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Herbig Ae/Be stars(HAeBes) are young stellar objects of spectral class F2 through B0, with
the central star often surrounded by a circumstellar disk of gas and dust. They are the higher mass
analogs to T Tauri stars. The interaction between the star and the disk is not well understood, nor
is the disk structure. The central star will often accrete mass from the disk, and the mass accretion
rate is an important parameter for modeling the disk structure and evolution. The methods for
measuring mass accretion rates of T Tauri stars are generally not applicable to HAeBe stars. As
such, reliable measurements of mass accretion rates for HAeBes are rare. Garrison (1978) saw that
the Balmer Discontinuity of HAeBes was veiled, and attributed this veiling to accretion luminosity.
Building on Garrison (1978) and the work of Muzerolle et al. (2004), I determine the mass accretion
rates and accretion luminosities of a large sample of HAeBe stars by measuring the veiling of the
Balmer Discontinuity due to the accretion luminosity.
Muzerolle et al. (1998) established a strong correlation between the accretion luminosity of
T Tauri stars and the luminosity of Br γ, and this correlation seems to extend to the evolutionary
precursors to HAeBes, intermediate T Tauri stars, as well (Calvet et al., 2004). I test this correlation
for HAeBes and discover that it is valid for HAe stars but not for HBe stars. From examining the
HAeBes of my sample from spectral range A3 to B7, there does not seem to be a particular spectral
type at which the correlation fails. A few of the late HBe stars are consistent with the correlation,
but most of the HBe stars have Br γ luminosities much larger than what one would expect from
the correlation. This suggests that there might be a significant stellar wind component to the Br γ
luminosity for many of the HBe stars.
T Tauri stars accrete mass from their disks magnetospherically, in which the strong stellar
field of the star truncates the disk at some distance from the star and the disk material than
falls to the stellar surface along the magnetic field lines. HAeBe stars are not expected to have
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strong stellar magnetic fields, and observations have failed to find any such fields for most HAeBes
Alecian et al. (2007). However, circumstantial evidence suggests that some HAeBe stars are accreting
magnetospherically (Muzerolle et al., 2004; Brittain et al., 2009). Since the correlation between
accretion luminosity and Br γ luminosity is valid for both T Tauri stars and HAe stars, this suggests
that the same basic accretion process is occuring for both.
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The discovery of several hundred extrasolar planets indicates that planetary formation
around stars is a fairly common occurance. As a result, there is great interest within the astronom-
ical community to understand the physical mechanisms and factors that govern the formation and
early evolution of stars and planets. Fortunately, astronomers have many observational tools, span-
ning the electromagnetic spectrum, to probe the environments in which young stellar objects(YSOs)
form.
Young stellar objects consist of a pre Main Sequence star plus surrounding material, some
of which may eventually form into planets, that is gravitationally bound to the star. The pre Main
Sequence star is a young star that has yet to reach hydrostatic equilibrium between the gravitational
force of contraction and the outward pressure due to nucleur fusion of hydrogen in its core. YSOs
are divided into two categories; T Tauri stars and Herbig Ae/Be stars. T Tauri stars are YSOs of
spectral class F3 or later. HAeBes are YSOs of spectral type F2 through O9, with masses of 2 to 8
M. A HAeBe of spectral class A0, for example, with a mass of about 3M, will take approximately
2.5 million years to reach the main sequence (Iben, 1965). It has a horizontal evolutionary track
accross the H-R diagram (Hayashi, 1961), initially having a later spectral type (i.e., M, K, G), during
which it is known as an intermediate T Tauri star(IMTTS). As the star evolves towards the main
sequence, its spectral type becomes earlier. HAeBes are ’mature’ YSOs. They are near the Zero Age
Main Sequence(ZAMS) and are on the latter stages of early evolution before settling into their Main
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Sequence lifetimes. The distinction between HAeBe stars and T Tauri stars is largely historical in
nature.
One of the most important physical parameters to measure for a YSO is the mass accretion
rate. YSOs are still accreting mass from surrounding circumstellar material. Most T Tauri and
HAeBe stars accrete mass from a circumstellar disk of gas and dust. The mass accretion rate
constrains disk lifetimes and models of disk structure, evolution, and planetary formation. For T
Tauri stars, mass accretion rate is relatively easy to measure, but it is much more difficult for HAeBe
stars. Accurate measurements of the mass accretion rates are necessary to constrain the disk models
for HAeBe stars.
1.2 Historical Background and Development
By the 1950s, it was well accepted within the astronomical community that T Tauri stars
were low to medium mass YSOs. Observationally, these stars were characterized by photometric
variability, strong emission lines, association with bright or dark nebulae, and evidence of a ’veiling
continuum’ that obscured photospheric absorption lines (Joy, 1945; Greenstein, 1950). In Herbig
(1960), George Herbig proposed a criteria for observationally identifying YSOs of spectral class A
and B, and included a list of candidate stars fitting the criteria. Under the Harvard classification
system, spectral class A and B stars are 2 to 8 M, with effective temperatures of 8000 to 30000
K. They spend between 107 to 109 years on the Main Sequence. If the star shows emission lines in
its spectrum, it is an Ae or Be star. Generally, a star will have emission lines in its spectral energy
diagram (SED) if it is surrounded by relatively large amounts of diffuse gas that can be excited by
photons from the star. A star may have diffuse gas around it during its post Main Sequence life,
as it sheds material off of its outer layers. These post Main Sequence stars often show emission
lines in their SEDs as well. The post Main Sequence A and B stars are classified as classical Ae/Be
stars. Herbig (1960) attempted to identify the YSO Ae/Be stars, and distinguish them from classical
Ae/Be stars. Herbig’s criteria were that the star
• Be spectral type A or earlier
• Show emission lines in its spectra
• Lie in an obscured region
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• Be associated with a reflection nebula
These criteria attempt to include massive young stars that are in star forming regions while
excluding the classical Ae/Be stars that may be associated with nebulosity or dust clouds, such
as Wolf-Rayet stars, planetary nebulae, etc. Intermediate mass YSO stars are now referred to as
Herbig Ae/Be stars.
The historical distinction between HAeBe stars and T Tauri stars is probably due to the
difference in populations between the two star types. There are many more T Tauri stars than
HAeBe stars. There are two reasons for this. First, in a typical star formation region (SFR), many
more low mass stars (≤ 2M) form than higher mass stars. The rates at which stars form in a SFR
as a function of mass is known as an Initial Mass Function (IMF). An IMF is typically expressed
as a power law, such as N(M∗) ∝ M−α∗ . The most commonly used IMF is the Salpeter IMF,
which was observationally determined by Salpeter (1955). Using the Salpeter IMF, where α = 2.3,
the difference in formation rate between a typical T Tauri star (≈ 0.8M and a typical HAeBe
star (≈ 3.0Modot) is about twenty to one. In other words, in a typical SFR, twenty 0.8M stars
form for every 3.0M star that forms. Second, T Tauri stars take longer to evolve onto the Main
Sequence than do HAeBe stars. Relatively low mass (F, G, K) stars stay in the T Tauri phase for
a longer period of time than the intermediate mass (A and B) stars stay in the HAeBe phase of
pre Main Sequence development. As a result of these two factors, at any given time, there are far
more observable T Tauri stars than there are HAeBe stars. T Tauri stars were discovered during
the course of normal observations conducted by many astronomers. George Herbig had to conduct
a focused search to find and identify the higher mass analogues to T Tauri stars.
Over the years others (Finkenzeller and Mundt, 1984; Vieira et al., 2003; The et al., 1994;
Malfait et al., 1998) have modified Herbig’s criteria. Probably the most important observational
criteria for identifying HAeBe stars is the ’infrared excess’ seen in all of their SEDs. In general, a
star’s continuum spectrum will approximate a blackbody spectrum, and therefore depends on the
star’s surface temperature. All known HAeBe stars have infrared(IR) luminosities in excess of what
is expected for the star based on its temperature. It is now accepted that a star must have this IR
excess to qualify as a HAeBe star. Stars with spectral classes up to F2 are also included. Those
YSO’s with spectral classes beyond F2 are categorized as T Tauri stars. Often, but not always,
HAeBe stars display the following characteristics.
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• Strong emission lines (particularly hydrogen)
• Embedded in a gas/dust cloud, particularly one that is a known star formation region
• Lies near a reflection nebula
• Irregular photometric variations
• Irregular and often high degree of polarization
• Broad absorption lines (i.e., Luminosity class III, IV, V)
• Abnormal extinction law
The broad absorption lines requirement distinguishes between YSOs and more evolved stars,
such as post-AGB stars, which also show an IR excess due to the surrounding planetary nebula.
Due to mass loss and expansion, the absorption lines of evolved stars form in the outer atmosphere
of the star, and are relatively thin due to the low gravity (Malfait et al., 1998). In HAeBe stars,
the absorption lines form in the atmosphere of and in gas surrounding a hot, luminous star, and is
therefore thermally excited, causing broad absorption lines. HAeBe stars also rotate quickly, causing
Doppler broadening. If a star displays many of the above listed characteristics in addition to the IR
excess, it is usually classified as a HAeBe star. Since most YSOs are found in or near nebular/dust
regions, the most plausible explanation for this IR excess is that it is emanating from material near
the star which has a lower thermal temperature than the star. The SED of the YSO can then be
explained by the superposition of the stellar photosphere with the SED of the surrounding material.
By the 1960s, observations indicated that YSOs had relatively high mass ejection rates
through strong stellar winds (Herbig, 1962; Kuhi, 1964). Kuhi (1966) noted that T Tauri stars
generally had a ’UV excess’ in their SEDs in addition to an IR excess, and that it correlated with
emission line strength and veiling. Some astronomers tried to model the UV excess and veiling of
absorption lines with the infall of material from a spherically symmetric shell accreting onto the
star (Garrison, 1978). Others developed models of a deep and very active chromosphere driven by
strong stellar magnetic fields, and producing strong winds (Calvet et al., 1984). Lynden-Bell and
Pringle (1974) pioneered the circumstellar disk model, where infalling material first collapses onto
a rotating disk, and then mass accretes onto the stellar surface.
By the 1980s, the circumstellar disk model became the accepted paradigm for YSOs due to
its ability to explain observational data. First, the extinction laws calculated for many YSOs were
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much smaller than expected for a circumstellar spherical shell, but consistent with a disk. Also,
many emission lines emanating from the stellar wind (the so-called ’forbidden lines’) were distinctly
blue-shifted in their line profiles. Assuming that the stellar wind is symmetric about the star,
observers should not see a net doppler shift in the line profile, although the profile will be doppler
broadened. However, if something is blocking line-of-sight to the stellar wind that is receding away
from the Earth, observers would only see the stellar wind that is heading towards the Earth, and
the line profile would be blue-shifted. A circumstellar disk would do this. It was also becoming clear
that the chromospheric model, by itself, couldn’t describe the strength and profile of the observed
emission lines (Herbig, 1985).
Also, a series of orbital observatories were launched in the early 80s (IUE, IRAS, and the
Einstein X-Ray Observatory). For the first time, YSOs were observed in detail in the X-ray, far
ultraviolet(FUV), and far infrared(FIR) regimes. With IRAS, astronomers observed many T Tauri
stars and HAeBe stars in bandwidths between 10µm and 100µm. In addition, the quality of ground
based near infrared(NIR) detectors improved significantly during this time period. Many of the IR
SEDs for the T Tauri stars and the HAeBe stars showed a distinctive shape. Their SEDs were
consistent with SEDs predicted by models of stars with a circumstellar disk (Cohen, 1983; Bertout
et al., 1988; Beckwith et al., 1990). Infrared observations, usually of CO, indicated large collimated
and bipolar molecular outflows of material for many YSOs, and that these outflows were often
associated with nearby Herbig-Haro objects (Edwards and Snell, 1984). Polarization measurements
suggested that the disks around these stars were perpendicular to the outflows (Mundt and Fried,
1983).
X-ray observations indicated that YSOs were much stronger X-ray sources than their Main
Sequence counterparts, and that they were strongly variable. X-rays from stars usually indicates
the presence of a strong and active magnetic field and chromosphere. IUE observations indicated
that the veiling continuum emission extended into the FUV. Beckwith et al. (1990) showed that the
disk accretion model could adequately explain the excess continuum emission from the FUV to the
near IR, with a disk accounting for the rest of the IR excess emission. Interferometric observations
in the Mid IR resolved the extent and orientation of the disks for many YSOs (Dutrey et al., 1998).
Vink et al. (2002) and Oudmaijer and Drew (1999) took spectropolarimetry measurements of many
HAeBe and T Tauri stars. The changes in polarization indicated a disk structure to many of these
YSOs. All of this evidence supported the model of a circumstellar disk of gas and dust around a
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central star possesing a strong chromosphere, often with strong polar jets.
Finally, beginning in the 1990’s, astronomers were able to get direct evidence for circum-
stellar disks around YSOs. Using the Hubble Space Telescope(HST), O’dell and Bally (1999) took
direct images of disk-like structures around YSOs in the Orion SFR. Grady et al. (1999) took a
coronagraphic image of the disk around AB Aurigae, also with the HST.
1.3 The Early Evolution of a YSO
So where do HAeBe stars and T Tauri stars come from, and why does the circumstellar
disk form in the first place? The current paradigm for star formation is that most stars form out of
Giant Molecular Clouds (GMC). GMCs are large clouds of dust and gas, often many parsecs across,
usually found in the disk of the Galaxy. The GMC is cold enough, and dense enough, such that
molecular hydrogen (plus smaller amounts of other molecules such as CO and NH3) dominates the
mass component of the cloud. The GMC will often include many areas or pockets of relative high
density generally refered to as ’molecular cloud cores’. The formation of the cloud cores may be due
to random perturbations, or to pressure waves from nearby supernovae, or movement of mass along
magnetic fields. These cores are typically about 0.1 parsecs in size, with a typical number density
≥ 103cm−1 and a temperature less than 100K. The self gravity of these cores acts to contract the
cloud, while gas pressure, turbulence and magnetic forces oppose the contraction. If one of these
more dense cores of the GMC is massive enough or large enough, gravity will ’win’ this contest and
the core will start collapsing under its own self gravity. In the simplest case, consider a spherical
symmetric core of uniform temperature and density. If one only considers the mass of the core
and its internal pressure, one can calculate this mass, called the Jeans Mass (MJ), and size, called
the Jeans Radius(RJ), necessary for gravitational collapse, for a given pressure(ρo) and speed of












Cloud sizes larger than the Jeans Radius, or cloud masses larger than the Jeans Mass, will be
vunerable to gravitational collapse. Assuming that the cloud core is composed only of molecular
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hydrogen, the Jeans Mass can be expressed as




where T10 is the temperature in units of 10 K and NH2 is the density of molecular hydrogen in
units of cm−3. For the densities and temperatures found in cloud cores, the calculated Jeans Ratio
compares favorably to the observed sizes of molecular cloud cores to within an order of magnitude.
Of course, it is unlikely that cloud cores have a uniform density, since such a cloud core
is not in hydrodynamic equilibrium. A cloud core in hydrostatic equilibrium has density profile of
ρ ∝ r−2, where r is the radial distance from the center of the cloud core. A cloud core just starting
to collapse should have a similar density profile. Shu (1977) showed that, for such a cloud core, the
collapse happens ’from the inside out’. The inner regions collapses in at a much faster rate than
the outer regions. As the collapse progresses, the material just outside the collapsing region is no
longer pressure supported, and the material begins to free fall towards the center of the cloud core.
In this manner, the collapse spreads from the center of the cloud core to its outermost regions. A
consequence of this ’inside out’ collapse is that the collapse happens over a relatively short time
period (< 106 years). This is supported by IRAS observations, which indicate that most cloud cores
contain a hot, dense, central object. During this initial collapse phase, the object is often refered to
as a protostar.
If the cloud core has a net angular momentum as it begins to collapse, the angular momen-
tum should be preserved. The rapidity of the collapse inhibits any transfer of momentum to the
surrounding medium. In essence, the cloud core has some initial, and probably very small, angular
velocity. To conserve angular momentum, this angular velocity will increase as the cloud core col-
lapses. As a result of the rotation and the ’inside out’ nature of the collapse, any infalling material
will take a ballistic path around the center of the cloud core as it falls. If we assume that the cloud
core is roughly spherically symmetric, most material will pass thru the cloud core’s equatorial plane
as the material falls inward. However, this means that infalling material from ’above’ the equatorial
plane (θ < π/2) will have an axial (i.e parallel to the axis of rotation) velocity that is in the opposite
direction as infalling material from ’below’ the equatorial plane (θ > π/2). Infalling material will
meet and shock at the equatorial plane, losing axial velocity but maintaining most of its angular
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momentum. In this way, a disk of material forms in the equatorial plane of the collapsing, rotating
cloud core.
Figure 1.1: Each plot above shows the SED of an example star for each YSO classification. A
small cartoon accompanies each SED, showing the implied physical distribution of the circumstellar
material around each star. R CrA is a Class I object. HD 98922 is a Class II object. Vega is a Class
III object. I adapted this figure from Malfait et al. (1998)
The evolution of a YSO can be traced by measuring its SED. Shu and Adams (1987), Adams
et al. (1987), Hillenbrand et al. (1992), and others developed a classification scheme chronicling the
evolution of a YSO based on the shape of its SED in the IR. Figure 1.1 is adapted from Malfait et al.
(1998), showing the SED for an example star of each classification. Log λ is diplayed on the x-axis
of the SED from λ = 1.0µm to λ = 100µm. Log λFλ is displayed on the y-axis. The classification
scheme depends on the slope of the SED from λ = 1.0µm to λ = 100µm. The SED of a Main
Sequence star is almost a blackbody spectrum. For most Main Sequence stars, peak intensity is at
1.0µm or shorter. The intensity drops quickly for wavelengths longer than 1.0µm. For many YSOs,
this is not the case.
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The slope of the SED is usually expressed as the spectral index, s, of the IR flux, where
λF ∝ λs. If s > 0, the object is a Class I YSO. Flux increases from λ = 1.0µm to λ = 100µm. Class
I objects are believed to be protostars still surrounded by a roughly spherical shell of gas and dust
falling inwards towardss the protostar. The surrounding gas and dust heavily extincts the protostar,
and radiates strongly in the far IR.
YSOs with spectral index, −4/3 < s < 0, are Class II objects. These are believed to be
pre Main Sequence stars with a circumstellar disk. In other words, Class II stars are T Tauri and
HAeBe stars. The dust in the disk intercepts light from the star and reradiates it in the IR. Viscous
processes within the disk, and mass accretion onto the star, may also contribute to the flux. Class
III objects have a spectral index, s ≈ 3, in the IR. This is the spectral index expected for a star
without a disk, and for stars on the Main Sequence. Class III objects are classified as YSOs because
they share other features typical of a YSO. They have (relatively weak) emission lines, and are
strong X-ray emitters, indicating a strong chromsphere. They are usually associated with a known
SFR. Class II T Tauri stars are known as Classical T Tauri stars (CTTS). Class III T Tauri stars
are known as Weak-lined T Tauri stars (WTTS). There is no similar nomenclature for Class II and
Class III HAeBe stars.
As stated before, this classification scheme traces the evolution of a YSO. Over time, Class
I objects progress into Class II objects, which progress into Class III objects.
1.4 Mass Accretion and Luminosity
The SEDs of some YSOs can be explained by a ’passive’ disk. A passive disk intercepts light
from the star and reprocesses it, emitting mostly in the IR, with a luminosity of about 14L∗. No
luminosity source such as accretion is necessary to explain the SED (Kenyon and Hartmann (1987)).
Many T Tauri stars, however, have excess luminosities in their SEDs that cannot be explained by
the passive disk model, particularly in the UV and visible regimes. This excess luminosity is mostly
due to the accretion of mass onto the star from the disk. The luminosity is from to the conversion
of kinetic and gravitational potential energy into radiation as material is accreted onto the stellar
surface. The initial kinetic and gravitational energy of the accreting material is the result of the
initial cloud collapse. At the beginning of the collapse of the cloud core, the initial mechanical energy
of a typical mass element of the cloud, m, is nearly zero (E = K + U = 0, where K is the kinetic
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energy and U is the potential energy of the mass). The amount of potential energy that m loses by
the time that it reaches the stellar surface is
− U = GMm
R
(1.3)
where M and R are the mass and radius of the star, respectively. Not all of this energy is converted
into kinetic energy. Some of this energy is lost as the mass element moves through the disk. Lynden-
Bell and Pringle (1974) showed that viscous activity within a disk will cause most of the disk mass
to eventually accrete onto the star, and in doing so, release enough energy to account for the excess
IR luminosity found for many YSOs. This viscous activity may be due to collisions, mixing due
to random motion, or interaction with the stellar magnetic field. As a result, disk matter loses
gravitational energy and moves inward towards the star. The lost gravitational energy is generally
radiated away. They calculated that the luminosity of the disk due to the inward movement of





Therefore, half the energy is lost as the material moves through the disk. This can also be
shown to be a consequence of the virial theorem, which applies to any gravitational bound system.
From the virial theorem, E = 12U for the star system, and for any mass element within the star
system. The mass element is assumed to begin, pre-collapse, with an energy Ei = Ui = 0, and its
final potential energy when it reaches the stellar surface is Uf = −GMm/R. Since Ef = 12Uf =
−GMm/2R, the mass element has lost energy equal to GMm/2R during its infall from infinity
to the stellar surface. Presumably this energy was radiated away while the mass element traveled
through the disk. The rest of the energy is lost when the material is accreted onto the star. If all of






During their initial collapse and evolution, YSOs are accreting mass from the surrounding
gas and dust. In the T Tauri and/or HAeBe phase of the YSO, most of the mass accretion occurs
through the disk. The mass accretion rate is an important parameter for understanding and modeling
the disk of a YSO. Disk lifetime is correlated with mass accretion rate (Hartmann et al., 1998).
Calvet et al. (2004) also found that mass accretion rate correlates with star mass, implying that
disk lifetimes for HAeBe stars should be shorter than for T Tauri stars. This is curious because
some HAeBe stars seem to have old disks. Mass accretion is also an important energy source for
heating the dust and gas in the disk. Najita et al. (2003) and Glassgold et al. (2004) incorporated
accretion heating into their disk atmosphere models in order to characterize the gas emission lines,
particularly of CO, of the disk atmosphere. Accurate measurements of the mass accretion rates of
HAeBe stars are necessary to constrain the disk models.
Unfortunately, measuring the mass accretion rate of a HAeBe star is difficult. The methods
for measuring the rate in T Tauri stars cannot be applied, in general, to HAeBe stars. The effective








which for expected values gives the accretion area a blackbody temperature of about 104 Kelvin.
This puts the accretion luminosity mostly in the U and B bands of the Johnson system of photometric
bands. The photospheres of most T Tauri stars are relatively dim in the U and B bands. In these
bands, the accretion luminosity is comparable in magnitude to the stellar luminosity. The SED of
an accreting T Tauri star is the combined luminosities of the stellar photosphere and the accretion
area. The U and B bands of the accreting T Tauri star are much brighter than the U and B bands of
a Main Sequence star of the same spectral type. This ’extra’ luminosity is the accretion luminosity,
and is the cause of the UV and blue excess. By measuring this excess, the accretion luminosity of
a T tauri star can be estimated (Gullbring et al., 1998), which can then be used to calculate the
accretion luminosity using Equation 1.5.
Unfortunately, a typical HAeBe stars has an effective temperature of about 104 Kelvin,
similar to the effective temperature of the accretion area. The HAeBe will be particularly bright
in the U and B bands, and the photospheric luminosity will swamp the accretion luminosity. The
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accretion luminosity will often be similar in size to the uncertainties in measuring the photospheric
luminosity. Thus, for HAeBes, the accretion luminosity cannot be determined from the UV and blue
excess.
It was initially thought that mass accretion occured through a ’boundary layer’ between
the disk and the stellar surface. The disk material is slowed down to come to rest on the surface,
releasing a lot of energy in the process. It is now believed that, for T Tauri stars at least, the
accretion process occurs through magnetoaccrection along the magnetic field lines of the star. It is
not clear whether the magnetoaccretion model applies to HAeBe stars.
1.5 Boundary Layer Model
In the boundary layer model, the star accretes material from the disk through a boundary
layer between the disk and the stellar surface. The material of the disk is moving in a mostly
Keplarian orbit around the star. When the disk material reaches the stellar surface, it must ’slow
down’ to come to rest on the surface. The typical HAeBe star has a rotation speed of about
150km/sec at the equator, where as the Keplarian speed at the stellar surface is about 400km/sec.
The excess speed is shed as the material moves thru the boundary layer between the disk and star.
Part of the kinetic energy of the disk material is converted into heat and light, creating the accretion
luminosity. The rest of the energy goes into increasing the rotational energy of the star, or into
powering stellar winds. Lynden-Bell and Pringle (1974) were the first to suggest the boundary layer
model to explain the UV and B band excess seen in T Tauri stars.
Basri and Bertout (1989) showed that, for a thin, optically thick disk, the boundary layer
is a small percentage of the stellar radius (< 10%) and is approximately equal to the scale height,
H, of the disk. If H << R∗, then the boundary layer is a thin ring at the stellar surface. Before
entering the boundary layer, an accreting mass element, M, has a Keplarian angular velocity of ΩK ,










This change in angular momentum of the mass element exerts a torque on the star. For a mass
accretion rate Ṁ , the rotational energy gained by the star due to this torque is given by
Ėt = Ṁ(ΩK − Ω∗)Ω∗R2∗ (1.9)
Mass accretion increases the mass of the star. The rotational energy of the star also increases due







Therfore, the total change in the rotational energy of the star due to mass accretion is
Ėr = Ėt + ĖM (1.11)
The energy that does not go into the rotational energy of the star must be radiated by the boundary










For most HAeBe stars, Ω∗ ≈ 0.5ΩK , giving an accretion luminosity of about GM∗Ṁ8R∗ .
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1.6 Magneto-Accretion Model
T Tauri stars generate strong magnetic fields. The outer layers of a T Tauri star are
convective. As a result, there is mass movement of plasma throughout these outer layers. This
creates a magnetic ’dynamo’ that generates the star’s magnetic field. The magnetic fields of T Tauri
stars have been confirmed via the measurement of the Zeeman effect in absorption lines in the stellar
photosphere. The Zeeman effect causes a broadening of the absorption lines, and can also change
the polarizatrion of the light from the photosphere. Stellar field strengths of greater than 1 kG are
common for T Tauri stars. HAeBe stars, on the other hand, are the precursors of spectral class A
and B stars, and their outer layers are entirely radiative. As such, HAeBe stars are not expected
to generate strong magnetic fields. Attempts to measure the magnetic fields of HAeBe stars have
generally been unsuccessful. HAeBes are fast rotators, so rotational broadening masks any Zeeman
broadening of the spectral lines. Magnetic fields also polarize light, but the field must have a strong
longitudinal component to be detectable. Further, it is possible that the polarization cancels, so
circular polarization measurements are not sensitive to the overall strength of the magnetic field
(Valenti and Johns-Krull, 2004). As with T Tauri stars, measurements show minimal polarization
in the light from most HAeBes (Hubrig et al., 2007; Wade et al., 2007). Polarization measurements
indicate that only a few HAeBe stars (maybe 7%) have noticeable magnetic fields. Wade et al. (2007)
and Hubrig et al. (2007) suggests that the few HAeBe stars that have significant magnetic fields
are the precursors of the Main Sequence Ap/Bp, which also exhibit strong magnetic fields. These
magnetic fields are believed to be from ’fossil fields’ that existed in the initial cloud core segment
as it collapsed. However, the vast majority of HAeBe stars show no evidence of ordered magnetic
fields. It is possible that HAeBe stars have magnetic fields with a complex topology that are difficult
to detect but which can still mediate accretion.
Ghosh and Lamb (1979) developed the magnetoaccretion model for accretion disks around
magnetized neutron stars. The magnetoaccretion model was adapted for T Tauri stars in the early
1990’s by Koenigl (1991), Camenzind (1990), Shu et al. (1994), and others. In this model, the T
Tauri’s magnetic field has a strong dipole component. The dipole field interacts with the accretion
disk, often in very complex ways. The magnetic pressure of the field acts in opposition to the
accretion ram pressure in the disk. When the two pressures are equal, accretion through the disk is
stopped. This occurs when
14




where B is the magnetic field, v is the magnitude of the velocity of material in the disk, and vin is
the radial infall velocity of the disk material. The radius at which this occurs is called the truncation
radius, because both the disk and accretion are truncated by the stellar magnetic field. The density,
ρ, can be expressed as Ṁ/(4πvinr
2). Setting vin to its maximum value, the free fall velocity, then
vin is given by vff =
√
2GM/r. The dipole moment at the truncation radius is given by B = µr3 .
Recalling that µ = Br3 = B∗R
3
∗, and making substitutions into Equation 1.6, the radius at which























B3 is the stellar magnetic field in kG, Ṁ−8 is the mass accretion rate in units of 10
−8M
per year, M0.5 is the stellar mass in units of 0.5 M, and R2 is the stellar radius in units of 2 R
(Bouvier et al., 2007). This value for RT can be treated as a maximum. The radial velecity, vin is
almost certainly much smaller than the free fall velocity. Most of the velocity of material in the disk
is Keplerian (i.e., azimuthal). A smaller radial velocity results in a larger ram pressure for a given
mass accretion rate, as the density must increase to compensate (see equation 1.6). The truncation
radius is almost always very close to the corotation radius. The corotation is the radius at which the
Keplarian angular velocity matches the angular velocity of the star. The correspondence between
the truncation radius and the corotation radius is due to the interaction between the dipole magnetic
field and the disk. Outside the corotation radius, the magnetic field will push material outward.
The disk material cannot freely move along the magnetic field lines. Within the corotation radius,
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Figure 1.2: A simple cartoon demonstrating the basic shape of the magnetic field lines of a spherical
dipole steller field being pinched by an accretion disk (adapted from Shu et al. (1994)).
ionized disk material is free to move along the magnetic field lines towards the stellar surface (see
explanation below).
Outside the truncation radius, the stellar magnetic field lines induce opposing currents in
the disk to prevent the magnetic field from effectively threading the disk. The inward motion of
the disk material than causes the magnetic field lines to bunch up near the truncation radius. The
stellar magnetic field is ’pinched’ inward along the disk as depicted in Figure 1.6.
At the truncation radius, the disk material is largely ionized. The motion of the material is
still largely Keplerian, but the electromagnetic force is strong enough to deflect the material from
its inward accretion motion. The effective potential of the material at the truncation radius is the








where r is the radial distance along the midplane of the disk, z is the distance from the midplane
of the disk, and Ω∗ is the rotational velocity of the star, and of the magnetic field at the truncation
radius. The equipotential surface defined by the effective potential curves towards the stellar surface
above and below the midplane of the disk. As material builds up at the truncation radius, the natural
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thermal motion of the gas will cause some of the gas to move in the same direction as a magnetic
field line. If that field line bends towards the stellar surface at a faster rate than the equipotential
surface, then the ionized material can move freely along the field lines towards the stellar surface
(see Figure 1.6). In addition, the disk material has a drag effect on the stellar magnetic field lines,
and the lines spiral inward from the disk surface to the surface. As a result, where the field lines
intersect the disk, they incline at an angle in the same direction as the Keplerian velocity of the gas
in the disk. The gas in the disk will have a velocity component in the same direction as the field line,
making it easier for the gas to move along the field line if the conditions described above apply. In
the x-wind model (see Figure 1.6), developed by Shu et al. (1994), the ionized disk material travels
along the magnetic field lines to accretion regions in the polar regions. Outside the truncation
radius, the typical radial velocity of material in the disk is on the order of a few meters per second.
The radial velocity of material falling inward along the field lines can approach free fall velocities
(> 100km/s). This sudden and large increase in the radial velocity of the disk material explains the
gap between the star and the disk, as disk material quickly travels from the truncation radius to the
stellar surface. The infalling material sheds much of its angular momentum as it falls to the stellar
surface, and quickly approaches free fall speeds. The angular momentum of the infalling material
is transferred along the magnetic field line to the disk. Much of this shed angular momentum goes
into launching a wind from the truncation region. This is the x-wind, and the wind material travels
along the open field lines that originate at the truncation region.
The topology of the magnetic field may be more complex than a dipole, but presumably
a dipole is a good approximation. The stellar magnetic field lines funnel the disk material into
accretion columns. Calvet and Gullbring (1998) and Gullbring et al. (2000) develop a model for the
accretion column and accretion region of a T Tauri star. The mass from the disk falls ballistically to
the stellar surface along these accretion columns, which cover a small fraction (1−10%) of the surface.
The model assumes a plane-parallel flow of material onto the accretion regions of the photosphere.
The material has a free-fall velocity when it reaches the photosphere, and carries an energy flux F .
The material is travelling at supersonic speed when it reaches the stellar surface, and shocks strongly
as it slows down to settle on the surface. The shock region is near the bottom of the photosphere,
and the shock region is heated to a temperature TS ≈ 8.6× 105(M∗/0.5M)/(R∗/2R)K, releasing
soft X-rays that are absorbed by the surrounding material. This material then emits optical and
UV radiation as it thermalizes (see Figure 1.6).
17
Figure 1.3: The x-wind model (adapted from a figure in Shu et al. (1994)). Note the equipotential
surface in comparison to the field lines. Mass accretion occurs along those field lines that bend
within the equipotential surface.
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Figure 1.4: A diagram of the accretion region, showing the pre-shock region, the accretion shock
region, and the heated photosphere. The red arrows trace the flow of energy as the shock region
heats the surrounding areas and is in turn heated by the surrounding areas.
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In comparison to the boundary layer model, the magnetoaccretion model can better account
for the observed SEDs and emission line profiles of T Tauri stars. For many T Tauri stars, the disk
and accretion luminosity is comparable to the luminosity of the star. It is possible to reconstruct
and separate the SEDs for the star, the disk, and the accretion, respectively. In the boundary layer
model, the highest temperature in the disk is found in the innermost disk and boundary layer. In
general, Tdisk ∝ 1rα , where α > 0. However, for observed T Tauri stars, the peak luminosity of the
disk is at a longer wavelengths than expected for a disk that extends all the way to the stellar surface.
This means that the peak temperature of the disk is lower than expected for a boundary layer. The
implication is that the disk does not extend all the way to the stellar surface. There is a gap between
the stellar surface and the disk. The magnetoaccretion model accounts for this gap. In the observed
SED of the T Tauri star, the effect of the disk gap can be observed as a ’dip’ in the intensity
between 1 to 3 microns. The SEDs of Herbig Ae/Be stars often show this dip as well, indicating an
optically thin inner disk gap. Also, Vink et al. (2005) spectropolarimetric measurements indicate
that the inner disks of HAeBe stars are optically thin. This gap, however, is probably not due to
magnetoaccretion. Dullemond et al. (2001) and Natta et al. (2001) develop a model in which the
disk dust is evaporated by radiation from the star when the dust reaches a temperature of about
1500K. This disk destruction radius is typically at about 0.3-0.5 AU, although a gaseous disk may
extend further inward. The dust destruction radius is considerably larger than the corotation radius
(usually a few stellar radii), so a stellar magnetic field is unlikely to be involved in trucating the dust
disk. Radiation from the star strikes the inner edge wall of the dust disk with an almost normal
incidence, heating the inner edge and causing it to ’puff up’. The thermal radiation emitted by the
puffed up inner wall is sufficient to account for the near infrared (NIR) excess emission seen for
Herbig Ae/Be stars.
Since it is expected that most HAeBes have weak global magnetic fields, one might conclude
that they do not accrete magnetospherically. However, there is circumstantial evidence to the
contrary. For example, many line profiles show a high velocity redshifted absorption component,
indicative of infalling material with supersonic velocity (Muzerolle et al., 2004; Natta et al., 2000;
Grinin et al., 2001). In Brittain et al. (2009), the authors show that the the Balmer emission lines
reveal redshifted absorption components (Guimarães et al., 2006) and highly ionized species such as
O VI have maximum velocities of ∼600 km s−1 (Deleuil et al., 2004).
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One line of evidence in support of HAeBes possessing magnetic fields is the fact that many
HAeBes are X-ray emitters. Stellar X-ray emission generally indicates the presence of chromospheres
or cornaes, and thus magnetically activity (Skinner and Yamauchi, 1996; Stelzer et al., 2006). Dif-
ferential rotation within the star may be the source of magnetic fields (Tout and Pringle, 1995) or
they may originate in dynamos within the circumstellar disk (Tout and Pringle, 1996). It should
be noted, however, that in some cases the X-ray source may also be from an undetected low mass
companion star which is generating X-rays due to its strongly convective interior.
The emission lines of T Tauri and HAeBe stars are extremely broad. This is due to Doppler
broadening, and implies a large variation of radial velocities of the gases producing the emission,
with velocities ∼ ± 250 km s−1 being typical. In the boundary layer model, the radial velocity
is expected to be relatively small, as revolving material is slowed to come to rest on the stellar
surface. In the magnetoaccretion model, however, material falls to the surface along the magnetic
field lines with velocities approaching free fall velocities. The expected infall velocity of material
in the magnetoaccretion model is consistent the observed Doppler broadening of the emission line.
A stellar wind could produce the necessary velocities observed in the emission lines. However, the
observed line profiles for many YSOs is inconsistent with what is expected if the emission originates
in the wind. Emission from a wind usually creates a P Cygni profile, which has the bulk of emission
to the red side of the centerline, with a small absorption component to the blue side of the centerline.
A P Cygni line profile indicates a spherically symmetric movement of the gas away from the star,
i.e., a wind. Many emission lines for YSOs show a reverse P Cygni profile. The bulk of emission is to
the blue side of the centerline, with a small absorption component to the red side of the centerline.
This line profile is consistent with infalling material, like expected in the magnetoaccretion model
(Muzerolle et al., 2004; Natta et al., 2000; Grinin et al., 2001).
Muzerolle et al. (1998) and Calvet et al. (2004) showed that the luminosity of the Br γ
emission line at 2.167 microns correlates strongly with accretion luminosity for T Tauri stars, as well
as for intermediate-mass T Tauri stars (1.5− 4M), the evolutionary predecessors of HAeBes. The
physical explanation for this correlation is not known, and location of the Br γ emission is uncertain.
In the models of Martin (1996) and Muzerolle et al. (2001) particular, the Br γ emission is from
the funnel flows. However, other locations, such as the gaseous disk (Muzerolle et al., 2004) and a
wind (Shu et al., 1994) have been proposed (see Figure 1.6). There is also some indication that this
relationship may also hold for at least a few HAeBes (van den Ancker, 2005), however, there are
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several reasons to expect that the relationship should not be the same as that for T Tauri stars in
general.
Figure 1.5: A simple cartoon showing the possible locations of Br γ emission, namely the funnel
flows (Martin, 1996), the gaseous disk (Muzerolle et al., 2004), and the wind (Shu et al., 1994).
First, as mentioned above, it is not clear that HAeBes accrete magnetospherically. If not,
then there are no funnel flows from which Br γ emission can originate, so Br γ emission from the
inner disk will scale differently with accretion rate. Second, the large rotation velocity of HAeBes
relative to T Tauri stars means that the typical corotation radius for an HAeBe is smaller than the
typical corotation radius of a T Tauri star. Since funnel flows originate at the corotation radius,
even if the Br γ emission does indeed originate in the funnel flow, one might expect that the funnel
flows around HAeBes will be systematically smaller (Muzerolle et al., 2004). Thus even if HAeBes
accrete magnetospherically, the relationship between the accretion and Br γ luminosities may be
systematically offset from that of T Tauri stars. Third, emission from hydrogen recombination in
the stellar wind of HBe stars may dilute the signal arising from a purported funnel flow.
Observational studies seeking to determine the origin of Br γ emission from around HAeBes
have produced mixed results. Eisner et al. (2009), using interferometry, reports that, for all of the
HAeBes in their sample, Br γ emission is from a compact area near the star, which is consistent
with magnetospheric accretion. In contrast, Kraus et al. (2008) find that only one out of the
five HAeBes they observe is consistent with Br γ emission forming in a funnel flow. Given the
uncertainty surrounding the relationship between the luminosity of the Br γ emission line and the
stellar accretion rate, it is necessary to calibrate this relationship for HAeBes. If the correlation
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between the accretion luminosity and the luminosity of Br γ emission for HAeBes is the same as
CTTSs, that may point to a common accretion mechanism. This correlation has not been established
for HAeBe stars, mainly due to the difficulty in accurately measuring the mass accretion rates for
HAeBe stars. Accurate measurements of the mass accretion rates of HAeBe stars are necessary to
establish or refute a correlation with Br γ luminosity.
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Chapter 2
Measuring the Stellar Accretion
Rates of Herbig Ae/Be Stars
This chapter originally published as Donehew and Brittain (2011).
2.1 Introduction
Herbig Ae/Be stars (HAeBes) are young stars ranging from spectral class F2 to O9, usually
surrounded by a circumstellar disk of gas and dust (Herbig, 1960; Finkenzeller and Mundt, 1984;
Vieira et al., 2003; The et al., 1994; Malfait et al., 1998). The disks around these higher mass
analogs to T Tauri stars dissipate on a timescale of ∼5Myr. Much of the disk material is removed
via accretion onto the star. Mass accretion rates are believed to decrease over time and therefore
may help to quantify the evolutionary state of disks around HAeBes. The mass accretion rate is also
an important parameter for modeling disk structure and dynamics (D’Alessio et al., 1999, 2001), as
well as interpreting the emission spectra of the disk atmosphere (Najita et al., 2003). However, the
mass accretion rate for HAeBes is difficult to quantify, and the process that mediates mass accretion
is still uncertain.
T Tauri stars, on the other hand, have been well studied and shown to accrete magneto-
spherically (e.g.,Bouvier et al. (2007) and references therein). The magnetic field truncates the disk
where the ram pressure of the accreting material is balanced by pressure from the stellar magnetic
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field. At this truncation radius, the accreting material is channeled into funnel flows and ballisti-
cally falls onto the stellar surface. The shock of the impact thermalizes in the photosphere, and
the accretion areas on the stellar surface are brightly luminous. The accretion luminosity is seen
as an UV excess on the spectral energy distribution (SED) of the star (Calvet and Gullbring, 1998;
Gullbring et al., 2000; Ardila et al., 2002).
It is unclear how much of this picture applies to HAeBes. T Tauri stars are completely
convective in their interiors, and it is this convection that is thought to generate the strong magnetic
field necessary to truncate the disk (Feigelson and Montmerle, 1999). On the other hand, by the
time intermediate-mass stars evolve to the point that they are observed to have a spectral type of A
or earlier, they are no longer convective (Palla and Stahler, 1993). Additionally, the non-detections
of a non-thermal radio signature with sensitive 3.6 cm observations of 57 HAeBes indicate that the
surface field strength of these sources is ≤ 10kG (Skinner et al., 1993).
However, many HAeBes are X-ray emitters, which suggests that HAeBes may possess chro-
mospheres or cornaes, and thus be magnetically active (Skinner and Yamauchi, 1996; Stelzer et al.,
2006). It is possible that such fields are generated by the differential rotation of HAeBes (Tout and
Pringle, 1995) or that the magnetic field originates in dynamos within the circumstellar disk (Tout
and Pringle, 1996). On the other hand, the X-rays may originate from an undetected low mass
companion star. Unfortunately, it is difficult to directly measure the magnetic field of HAeBes.
HAeBes are fast rotators, so rotational broadening masks any Zeeman broadening of the
spectral lines. Magnetic fields also polarize light, but the field must have a strong longitudinal
component to be detectable. Further, it is possible that the polarization cancels, so circular polar-
ization measurements are not sensitive to the overall strength of the magnetic field (e.g. ?). As with
T Tauri stars, measurements show minimal polarization in the light from most HAeBes (Hubrig
et al., 2007; Wade et al., 2007), though Alecian et al. (2007) found that about 7% of HAeBes have
significant (∼1 kG) longitudinal fields. Coincidently, main-sequence A and B stars that have strong
measurable magnetic fields (the Ap/Bp stars) constitute about 5%-10% of A and B stars. This led
Alecian et al. (2007) to conclude that the ‘magnetic’ HAeBes are the precursors of the Ap/Bp stars
and the magnetic fields of both types of stars is a fossil relic left over from the initial cloud collapse
that formed the star.
Since it is expected that most HAeBes have weak global magnetic fields, one might conclude
that they do not accrete magnetospherically. However, there is circumstantial evidence to the
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contrary. For example, many line profiles show a high velocity redshifted absorption component,
indicative of infalling material with supersonic velocity (Muzerolle et al., 2004; Natta et al., 2000;
Grinin et al., 2001). Brittain et al. (2009) summarize several lines of evidence that the HBe star
HD 100546 is accreting magnetospherically. For example, the Balmer emission lines reveal redshifted
absorption components (Guimarães et al., 2006) and highly ionized species such as O VI have
maximum velocities of ∼600 km s−1 (Deleuil et al., 2004).
For classical T Tauri stars (CTTSs), the excess luminosity from mass accretion is often
measured in the blue and near ultraviolet (NUV) bands and then used to calculate the mass accretion
rate (Valenti et al., 1993; Gullbring et al., 1998). HAeBes peak in brightness in the same wavelength
regions as the accretion luminosity, and the accretion luminosity of HAeBes is often of the same
scale as the uncertainties in the photospheric luminosity of the star due to uncertainties in distance,
spectral type, and extinction (Muzerolle et al., 2004). Thus the separation of the accretion luminosity
from the photospheric luminosity is difficult rendering this method unusable for measuring the stellar
accretion rate of HAeBes.
The accretion process gives rise to many emission lines. In particular, the Br γ emission
line is thought to originate in the funnel flow (Muzerolle et al., 2001). Indeed, (Muzerolle et al.,
1998, hereafter MHC98) discovered a tight correlation between the luminosity of the Br γ line
and the accretion luminosity. (Calvet et al., 2004, hereafter C04) extended this relationship to
intermediate-iass T Tauri stars (1.5−4M), the evolutionary predecessors of HAeBes. There is also
some indication that this relationship may also hold for at least a few HAeBes (van den Ancker,
2005), however, there are several reasons to expect that the relationship should not be the same as
that for T Tauri stars in general.
First, as mentioned above, it is not clear that HAeBes accrete magnetospherically. If not,
then there are no funnel flows from which Br γ emission can originate, so Br γ emission from the
inner disk will scale differently with accretion rate. Second, the large rotation velocity of HAeBes
relative to T Tauri stars means that the typical corotation radius for an HAeBe is smaller than the
typical corotation radius of a T Tauri star. Since funnel flows originate at the corotation radius,
even if the Br γ emission does indeed originate in the funnel flow, one might expect that the funnel
flows around HAeBes will be systematically smaller (Muzerolle et al., 2004). Thus even if HAeBes
accrete magnetospherically, the relationship between the accretion and Br γ luminosities may be
systematically offset from that of T Tauri stars. Third, emission from hydrogen recombination in
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the stellar wind of HBe stars may dilute the signal arising from a purported funnel flow.
Observational studies seeking to determine the origin of Br γ emission from around HAeBes
have produced mixed results. Eisner et al. (2009), using interferometry, reports that, for all of the
HAeBes in their sample, Br γ emission is from a compact area near the star, which is consistent
with magnetospheric accretion. In contrast, Kraus et al. (2008) find that only one out of the five
HAeBes they observe is consistent with Br γ emission forming in a funnel flow. Given the uncertainty
surrounding any purported relationship between the luminosity of the Br γ emission line and the
stellar accretion rate, it is necessary to calibrate this relationship for HAeBes. If the correlation
between the accretion luminosity and the luminosity of Br γ emission for HAeBes is the same as
CTTSs, that may point to a common accretion mechanism.
An additional method for measuring the stellar accretion rate of HAeBes is the measurement
of the veiling of the Balmer discontinuity (Garrison, 1978; Muzerolle et al., 2004). The Balmer
discontinuity is a prominent feature in the spectrum of A and B stars short-ward of 4000 Å. It is
due to the ‘bunching up’ of the Balmer absorption lines resulting in an abrupt decrease in the stellar
flux at those wavelengths. Garrison (1978) noted that the depth of the Balmer discontinuity was
shallower for HAeBes than for their main-sequence counterparts. He proposed that the luminosity
due to mass accretion veiled the Balmer discontinuity, causing its depth to decrease. The relatively
high temperature of the accretion column, plus the increasing ionization of the gas in the accretion
column as it approaches the stellar surface, both work to veil the Balmer absorption lines. For his
sample of HAeBes, Garrison (1978) measured the difference in magnitude between 3640 and 4000 Å,
which he designated as DB . He also obtained the expected DB for model atmospheres of the same
spectral types as his sample stars. The difference (∆DB) between the accreting star and the model
was used to infer the veiling due to mass accretion. Based on Garrison (1978), Muzerolle et al.
(2004) calculated the expected Balmer veiling of the HA2e star UX Or for various mass accretion
rates, filling fractions, and accretion energy fluxes.
Building on this work, we present spectra of Br γ and the Balmer discontinuity for 33
HAeBes. We use the relationship between the veiling of the Balmer discontinuity and the stellar
accretion rate presented by Muzerolle et al. (2004) to measure the accretion rate of the stars in our
sample. We then compare the luminosity of the Br γ line to the inferred accretion rate to determine
whether the accretion rate and the luminosity of Br γ are correlated. We also compare the stellar
accretion rate as a function of mass to that of CTTSs and IMTTSs.
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2.2 Observations And Data Reduction
We conducted acquired NUV/optical and near infrared observations of 33 HAeBe stars
spanning the spectral range from F2 to B0. We selected sources from Hillenbrand et al. (1992),
Malfait et al. (1998), The et al. (1994),and Vieira et al. (2003). We chose our targets to give us good
coverage of the range of spectral types of HAeBes. The total number of known HAeBes is relatively
small, so we selected stars from multiple star formation regions in order to build our sample. Table
2.7 lists the stellar parameters for our target stars.
2.2.1 Infrared Spectra
The Br γ spectra were acquired over a period of 18 months with the 2.1m telescope on Kitt
Peak National Observatory, using the Flamingos infrared imager/spectrograph. We used Flamingos
in spectrograph mode (R = 1300) with the Ks filter, HK grism and the 3 pixel slit oriented in the
N-S direction. Due to flexure in the detector, flats were taken at each star location. We took darks
for each of our exposure times. The flat-fielded spectra were cleaned of hot pixels using a boxcar
filter. Our target stars are relatively bright, with magnitudes brighter than 10 in the Ks band,
allowing us to achieve an signal-to-noise ratio of about 25 with relatively short exposure times (10 to
20 minutes for most targets) Spectra were taken using an ABBA nod sequence where the A and B
positions of the star were separated by 15 arcseconds. The data were combined by (A−B−B+A)/2
in order to remove the sky emission lines and atmospheric thermal background to first order. We
defined the location of the A and B beams on the chip and rectified the spectrum in the spatial
direction by fitting the centroid of the point spread function with a second degree polynomial. To
wavelength calibrate the data, we took a sky spectrum at each star location, and then compared it
to a standard OH line spectrum. To create the standard OH line spectrum we convolved an artificial
OH line stick spectra with a Gaussian matched to the resolution of our observations.
2.2.2 Optical Spectra
Over ten nights, we observed 33 HAeBes with the Goldcam instrument on the 2.1m telescope
on Kitt Peak (Table 2). The instrument was configured with the 09 grating and the CuSO4 filter.
This gave coverage from 3200 to 5200 Å and a spectral resolution of 6.7 Å with a dispersion of 2.47
Å per pixel. Each night we took a series of flats, biases, and standard stars. The flats were used to
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correct pixel to pixel sensitivity variation. The flat-fielded spectra were cleaned of hot pixels using
a boxcar filter and then rectified. The standard stars were reduced in the same way and then used
to correct for large scale instrumental sensitivity. The spectral extracts were wavelength calibrated
using spectra acquired with the HeNeAr lamp.
2.3 Results
In general, A and late B stars show the Br γ line in absorption, due to absorption in
the stellar photosphere. Our Br γ spectra must be corrected for the photospheric absorption. In
addition, our spectra are veiled by blackbody emission from the circumstellar disk. An undetected
low mass companion star may also contribute to the veiling. To obtain the equivalent width of
the circumstellar Br γ emission, we corrected our observed equivalent widths for both photospheric
absorption and disk veiling in the same manner as Garcia Lopez et al. (2006),
Wcirc = Wobserv −Wphoto10−0.4∆mK , (2.1)
where Wcirc is the equivalent width of the Br γ emission from the circumstellar material, Wobserv
is the observed equivalent width, and Wphoto is the equivalent width of the Br γ photospheric
absorption line of a star of the same spectral type as the HAeBe, taken from Garcia Lopez et al.
(2006) and Wallace and Hinkle (1998). However, the spectral type of some of our target stars is
uncertain and these are noted in Table 2.7. The 10−0.4∆mK factor corrects Wphoto for the veiling
of the disk (and any possible low mass companion star), where ∆m is the difference in magnitude
between the observed K magnitude (taken from the Two Micron All Sky Survey(2MASS)), and the
expected K magnitude for a star of the same spectral type and at the same distance as the HAeBe
star.
The equivalent width of the Br γ line was converted to flux by scaling the normalized
continuum to the flux density inferred from the 2MASS Ks measurement. The fluxes were scaled to
luminosities using distances culled from the literature and are presented in Table 2.7. In Table 2.7,
we present the relevant stellar data, equivalent widths, line fluxes, and line luminosities. Our typical
uncertainty in the equivalent width was 0.2Å. Measurements with larger uncertainties are reported
in Table 2. In general, the uncertainty in the line luminosity is dominated by the uncertainty in the
distance to the star, though for the stars HD 244314, HD 38120, and V1686 Cyg the uncertainty in
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the spectral type is also significant. For the nearby sources for which reliable Hipparcos measurements
are available, we took the uncertainty in the distance from the uncertainty in the parallax. For other
sources we adopted an uncertainty of 20%.
We normalized the HAeBe spectrum, and a Kurusz-Castelli(KC) model spectrum of the
same spectral type and log g, to the flux at 4000 Å. For the log g values of our target stars, we
used the literature value if available (Guimarães et al., 2006; Grinin et al., 2001; Montesinos et al.,
2009; Strom et al., 1972). Otherwise, we assumed that log g = 4.0, which is a typical value for
both HAeBes and T Tauri stars (Schiavon et al., 1995; Strom et al., 1972). We then adjusted the
HAeBe spectra to match the KC model comparison spectra between 4000 Å and 4600 Å. For both
the HAeBe star spectrum and the KC model star spectrum, we found the relative difference in the
mean flux between 4000 and 3640 Å. In this way, we get DB for both the HAeBe and the KC model
star. From the difference between the values of DB , we calculated the difference in magnitude due







where F∗ is the stellar flux at 3640 Å, and FA is the mass accretion flux at 3640 Å. The typical error
for the calculation of ∆DB is about 0.03 mag. Note that we do not determine, nor do we need to
determine, the actual stellar flux or the accretion flux at 3640 Å. We only need the relative difference
in flux at 3640 Å (see ratio in Equation (2.2)). We get this by measuring relative difference between
the flux at 3640 Å and the normalized flux at 4000 Å for both the HAeBe star and the KC model
star spectrum. Figure 2.2 shows the SEDs of our target stars from 3600 Å to 4400 Å, with SED
of the KC model comparison SED overplotted. For many of the HAeBes in the figure, the relative
difference in flux at 3640 Å is easily apparent. An important advantage of this technique noted by
Muzerolle et al. (2004) is that the measurement of ∆DB is independent of extinction.
Muzerolle et al. (2004) used the models and methods described in Calvet and Gullbring
(1998) and Gullbring et al. (2000) to calculate the flux from accretion and determine the resulting
SED, which includes both accretion and stellar photospheric luminosity. We use the results of this
model for this work. In this model, mass falls ballistically to the stellar surface along accretion
columns, which cover a small fraction (1− 10%) of the surface. The model assumes a plane-parallel
flow of material onto the accretion regions of the photosphere. The material has a free-fall velocity
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when it reaches the photosphere, and carries an energy flux F . The material is traveling at supersonic
speed when it reaches the stellar surface, and shocks strongly as it slows down to settle on the
surface. The shock region is near the bottom of the photosphere, and the shock region is heated
to a temperature TS ≈ 8.6× 105(M∗/0.5M)/(R∗/2R) K, releasing soft X-rays that are absorbed
by the surrounding material. This material then emits optical and UV radiation as it thermalizes.
Muzerolle et al. (2004) calculate the flux from three different regions; the shock region, the heated
photosphere, and the pre-shock accretion column to get the overall flux from accretion. The resulting
SEDs, including both the accretion and the photosphere flux, are used to calculate the expected DB
for different mass accretion rates. ∆DB is then determined by comparison to a standard star of the
same spectral type.
We fit a polynomial to the relationship between ∆DB and the accretion luminosity calculated
by Muzerolle et al. (2004). For ∆DB < 0.1 we adopted an upper limit on the accretion rate of





where M∗ and R∗ are the stellar mass and radius, respectively, and Ṁ is the mass accretion rate.
Table 2.2 shows the results of our Balmer Break measurements. Figure 2.7 shows accretion luminosity
versus Br γ luminosity.
2.4 Analysis
In Figure 2.5, we compare the relationship between the luminosity of the Br γ emission line and the
accretion luminosity for CTTSs (MHC98), IMTTSs (C04) and HAeBes. From a cursory examination
of the data, it appears that the CTTSs, IMTTSs, and HAes follow the same trend while HBes do
not. MHC98 showed that the relationship for CTTSs is described by,
log(Lacc/L) =
(1.26± 0.19)log(LBrγ/L) + (4.43± 0.79). (2.4)
In general, most of our targets have higher Br γ and accretion luminosities than the CTTSs. This
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is mainly a selection effect due to the sensitivity of our measurements. The typical error for our
Br γ equivalent widths(EWs), 0.2Å, made it difficult to measure Br γ luminosities less than about
10−4 L. While this can be overcome with more sensitive observations, the more challenging issue
is the relationship between the stellar accretion rate and the veiling of the Balmer discontinuity.
Measurement of ∆DB is not sensitive to accretion rates less than 10
−8 M yr
−1 Muzerolle et al.
(2004). Following MHC98, we perform a least-squares fit to the data HAes in our sample. We find
that
log(Lacc/L) =
(0.9± 0.2)log(LBrγ/L) + (3.3± 0.7). (2.5)
The fit to the HAes is remarkably close to the fit to IMTTSs given by C04,
log(Lacc/L) =
0.9log(LBrγ/L) + 2.9. (2.6)
To statistically compare the HAeBes to the CTTSs, we ‘normalized’ both data sets by
dividing the measured value of the accretion luminosity by its expected value according to Eq.
(2.4). In this way, we get the scatter of both data groups about the expected value. Using the
Kolmogrov-Smirnoff test for two samples, we compared the HAes to the CTTSs and determined
that there is a 51% probability that both samples are from the same population. Applying the same
test to the HBes, we find that there is only a 3% probability that the samples are drawn from the
same population. Thus we conclude that the HAes follow the same trend found for the CTTSs while
the HBes do not.
An important concern when looking for a relationship between two luminosities is whether
they are truly independent. Since the luminosity is determined by scaling the flux by d2, it is possi-
ble that the d2 dependency could drive the relationship between the two derived luminosities. The
sources presented by MHC98 were all in Taurus, so d2 dependency of the luminosity is irrelevant
for those source, however, the samples of IMTTSs, HAes and HBes include sources from different
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distances. To verify that the correlation we observe is not due to the d2 dependence of the lumi-
nosities, we also plot the accretion flux versus the flux of Br γ for the HAeBes, CTTSs (MHC98)
and IMTTSs (C04; Figure 2.6). The relationship between the accretion flux and flux of Br γ is
consistent for the CTTSs, IMTTs, and HAes and is given by,
log(Facc/F) =
1.15± 0.12log(FBrγ/F) + 4.61± 0.98. (2.7)
The flux of Br γ emission from HBes continues to overestimate the accretion flux.
There is no particular reason to expect either accretion luminosity or Br γ luminosity to
remain constant. If the mass accretion rate of HAeBes varies, then the fact that the Br γ and Balmer
jump spectra were not acquired simultaneously should increase the scatter of the relationship we are
searching for. In principle, it is possible that the increase in scatter could be due to an increase in
variability with spectral type. To check this, we compare the present multi epoch observations for
a subsample of our data.
Table 2.3 shows the observed equivalent widths for several of our stars taken at different
epochs. We also include the observed equivalent widths for these stars (if available) from Garcia
Lopez et al. (2006) and Brittain et al. (2007). The variation of the equivalent widths is less than
1.2 Å for 10 of the 11 stars for which we have two or more observations. This variation is similar in
size to the typical uncertainty in the measurement of our equivalent width (< 0.5Å in most cases)
. The one exception is HD 36112, where the equivalent width changed by 2.7 Å over 18 months.
For some stars the equivalent widths as measured by Garcia Lopez et al. (2006) and Brittain et al.
(2007) differ from our values by up to 4Å . Since the observations of Garcia Lopez et al. (2006) and
Brittain et al. (2007) are several years before ours, these differences may reflect genuine variability.
These differences may also be in part due to differences in methodology. However, over the period
of our measurements, Br γ equivalent width, seems to show minimal variability. The variability that
we do see would cause the Br γ luminosity to vary by a factor of two or less. This is consistent with
the scatter that we see for our HAes. The variability is not large enough to explain the apparent
lack of luminosity correlation for our HBe stars. Further, the luminosity of the Br γ line of HBes
systematically overpredicts the accretion luminosity suggesting that the trend that holds for CTTS,
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IMTTS, and HAes does indeed breakdown for HBes.
Photospheric variability of our HAeBes could also contribute to the scatter seen in Figure
2.7. For our target stars, we use the Ks magnitude as measured by 2MASS. When we compare the
2MASS magnitudes of our stars to those found in Malfait et al. (1998), Hillenbrand et al. (1992),
and Allen (1973), we find minimal variability (usually <10%) in the magnitude. However, Sitko
et al. (2008) and Grady et al. (2010) found variability in HD 163296 and MWC 480, respectively.
It may be that near contemporaneous observations of the Balmer discontinuity and flux calibrated
spectra of Br γ may shrink the scatter we observe in the relationship between the stellar accretion
rate and luminosity of Br γ.
2.5 Discussion
Our results show that the HAes in our sample have the same the Br γ/accretion luminosity
relationship measured for CTTSs. The relationship for HAes holds down to an accretion rate of 10−8
M yr
−1. It is difficult to detect the accretion signature by observation of the Balmer discontinuity
for lower rates (Muzerolle et al., 2004), thus the calibration of the luminosity of Br γ is uncertain
for lower rates. The HBes have a Br γ luminosity that is systematically larger than predicted by the
relationship presented by MHC98. This may indicate that the HBe stars have a source of hydrogen
emission in addition to any purported accretion shock such as hydrogen recombination in the stellar
wind. It is also possible that we are seeing the transition from magnetospheric accretion in the later
sample to boundary layer accretion among the earlier type stars in the sample.
Several studies point to important differences between HAes and HBes that are suggestive
of such a transition. Measurement of the polarization of the Balmer lines H α, H β, and H γ suggest
a divide between the origin of these lines in HAes and HBes (Vink et al., 2002, 2005; Mottram et al.,
2007). These authors note that the emission line is polarized in the case of the HAes, whereas the
continuum is polarized and the emission line depolarized in the case of the HBes. They argue that
the difference between the polarization effects in HAes and HBes is due to different disk geometries.
In the case of the HAes, the line emission must originate interior to the disk as is expected if the
line originates in a funnel-flow connecting the truncated disk to the star. In the case of the HBes,
they note that the emission must be extended relative to the continuum. Further evidence of divide
between HAes and HBes comes from radio observations. Skinner et al. (1993) note that they do not
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detect 3.6cm radio emission from HAes of spectral type A2 or later and note that this similar to the
case for Ap/Bp stars. They suggest that this is due to a sharp drop in the mass loss rate from hotter
HBes to cooler HAes. If the correlation between the luminosity of Br γ and the accretion luminosity
breaks down for earlier type HAeBes due to the increasing stellar wind, one might expect a gradual
turnover as one moves from later HAes to earlier HBes. On the other hand, if the correlation breaks
down because of a transition from magnetospheric accretion to a boundary layer accretion, one might
expect a sharp discontinuity at the cut off. A larger sample of sources in the crucial A2-B7 range
will help clarify how sharply this trend breaks down and is the subject of ongoing investigation.
Additional insight will be gained by further interferometric and spectro-astrometric obser-
vations of Br γ. Present studies have produced mixed results thus far (Kraus et al., 2008; Eisner
et al., 2009); however, a survey of stars spanning spectral types A2-B7 may clarify why the trend
between the luminosity of Br γ and the stellar accretion rate breaks down. Based on our results,
it is possible, even likely, that the location of Br γ emission changes as the spectral types of the
HAeBes move from A to B. For HAe stars, the emission may be tied to accretion, but for HBe stars
the luminosity of Br γ may be dominated by emission from recombination in a stellar wind. If this
is the case, then the spatial extent of the Br γ emission line will grow more extended for earlier type
stars.
The physical explanation for the correlation between mass accretion rate and Br γ luminosity
has yet to be resolved in the case of HAes. However, its similarity with CTTSs provides some evidence
that the accretion process is the same. If it is tied to magnetospheric-accretion, then HAe stars may
be more magnetically active than hitherto expected. The conventional methods for detecting stellar
magnetic fields, either through Zeeman broadening of spectral lines or the circular polarization of
light from longitudinal field lines, fail to detect magnetic fields for most HAeBes (Hubrig et al.,
2007; Wade et al., 2007). Skinner et al. (1993) place an upper limit on the magnetic field of HAeBe
stars of 10kG based on the non-detection of a non-thermal radio signal from these sources. This
is substantially stronger than the ∼2.5 kG fields observed for CTTSs (Johns-Krull, 2007). It may
be that the magnetic fields of HAe have an unusual topology, and may not have a strong dipole
component. However, the line profile of emission from the CO molecule in the accretion disk can
be used to trace the truncation radius of the disk. If the magnetic field truncates the gas at some
radius above the stellar surface, it may be possible to extract the strength of the magnetic field by
relating the truncation radius of the disk to the accretion rate of the star.
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The stellar accretion rate of IMTTSs is proportional to M1.95? (C04). In Figure 2.8, we
present the logarithm of the mass accretion rate as inferred from the veiling of the Balmer dis-
continuity versus stellar mass. We find that the trend observed for CTTSs and IMTTSs continues
up to 12M. This is quite surprising as IMTTS are the evolutionary precursors to HAeBe stars.
Thus one might expect that the accretion rate should be systematically lower for the HAeBes. It is
conceivable that the evolution from the IMTTS state to the HAeBe state is fast enough that there
is no significant difference between the accretion rate of HAeBes and IMTTSs on average. Further,
there is no analog to weak-lined T Tauri stars among HAeBes. HAeBes are selected on the basis
of evidence of circumstellar material, so it may be that HAeBes are a subset of the IMTTSs that
tended to have more massive disks. It is also possible that the continuation of the trend we observe
is due to our inability to detect accretion rates less than 10−8 M yr
−1. Further sampling of sources
at the high end of our mass range may allow us to clarify whether this correlation breaks down.
2.6 Conclusion
We find that the luminosity of the Br γ emission from HAes correlates with the accretion
luminosity in a manner similar to the correlation found for CTTS and IMTTS (MHC98; C04) for
rates greater than 10−8 M yr
−1. The relationship breaks down for HBes. More observations of
early HAes and late HBes should clarify the spectral type range over which the correlation becomes
invalid and the manner in which it does so. It may be possible to improve the measurement of the
correlation between the luminosity of Br γ and the stellar accretion rate with near contemporaneous
observations of the Br γ line and Balmer discontinuity. This may be particularly important for
clarifying how this correlation breaks down as one moves from HAes to HBes.
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Star Spectral Distance Ks Magnitude Mass Radius log g
Type pc 2MASS M M
(1) (2) (3) (4) (5) (6) (7)
AB Aur A0 1403 ± 20 4.23 3.23 2.73 4.47
BF Ori A5 4603 ± 100 7.89 1.43 1.33 4.08
CQ Tau F21 1305 ± 26 6.17 1.6 1.5 3.58
HD 142666 A8 1144 ± 20 6.08 2.105 2.925 4.310
HD 144432 A9 2005 ± 55 5.89 2.64 1.874 3.410
HD 163296 A1 1603 ± 15 4.78 2.35 2.15 4.110
HD 179218 A01 2405 ± 52 3.9 4.35 4.965 4.010
HD 244314 A 5106 ± 100 8.05 1.9 2.0 4.0
HD 244604 A01 5106 ± 100 7.12 2.2 2.1 4.0
HD 245185 A11 4002 ± 80 8.02 2.32 1.72 4.0
HD 249879 B8 10006 ± 200 9.06 3.8 3.2 4.0
HD 259431 B6 8002 ± 327 5.73 12.22 6.42 4.27
HD 250550 B91 7003 ± 140 6.64 4.83 3.53 4.67
HD 278937 A61 3006 ± 60 6.86 1.8 1.8 4.0
HD 35187 A21 1506 ± 57 5.91 2.4 2.3 4.0
HD 36112 A51 2005 ± 47 5.8 2.05 2.35 4.0
HD 36408 B7 3426 ± 184 6.02 4.1 3.5 4.0
HD 37806 A21 > 2305 5.4 2.65 2.15 4.0
HD 38120 B 4226 ± 230 7.16 4.1 5.9 4.0
HD 50138 B9 2896 ± 67 4.15 3.3 3.0 4.0
HD 53367 B0 11503 ± 380 6.12 34.53 17.43 4.0
HK Ori A4 4503 ± 100 7.39 2.03 1.73 3.37
Lk Hα 215 B61 8001 ± 160 7.03 7.03 5.43 3.97
MWC 480 A31 1314 ± 20 5.51 1.804 1.674 4.09
PX Vul F31 4201 ± 100 7.91 2.0 1.9 4.0
UX Ori A31 4603 ± 100 7.21 3.33 3.23 4.08
V1686 Cyg B23 9801 ± 200 5.48 8.53 7.53 4.0
V346 Ori A5 4005 ± 100 8.56 2.54 2.14 4.09
V350 Ori A11 4504 ± 100 8.37 2.7 2.5 4.19
V380 Ori A11 4305 ± 100 5.95 3.63 2.83 4.0
VV Ser B61 3301 ± 50 6.32 3.33 2.43 4.0
XY Per A2 3505 ± 147 6.09 3.34 2.64 3.99
Z CMa B8 11505 ± 300 3.77 3.8 3.2 3.77
Table 2.1: Herbig Ae/Be Stellar Parameters.
For those stars for which we could not find a stellar radius and mass in the literature, we assumed
that the star was on the main-sequence and estimated its mass and radius based on its spectral type.
For HD 244314 and HD 38120, we assumed a spectral type of A5 and B5, respectively. Manoj et
al(2006) list V1686 Cyg as an F9 star, but we use B5 from Hillenbrand et al (1992) because it fits
our spectra better.
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Star EW (Obs.) EW (Cir.) FBrγ LBrγ Date of
Å Å (10−14 ergs s−1 cm−2) (10−4 L) Observation
(1) (2) (3) (4) (5) (6)
AB Aur -2.5 -3.9 340± 17 21± 4 21 Mar 2008
BF Ori -1.4 -3.6 10.5± 0.6 7± 2 11 Nov 2006
CQ Tau ±0.3 -1.1 ±0.3 16± 4 0.83± 0.3 11 Nov 2006
HD 142666 1.8 -3.0 47.6± 3.2 1.9± 0.5 01 Mar 2007
HD 144432 -0.7 -3.0 57± 4 7± 3 01 Mar 2007
HD 163296 -4.3 -7.1 373± 11 30± 4 13 May 2008
HD 179218 -1.0 -4.7 80± 3 14± 4 23 Sept 2007
HD 244314 -2.7 -4.6 12± 1 9.6± 2.7 13 Nov 2006
HD 244604 -1.8 -2.9 18± 1 14± 4 14 Nov 2006
HD 245185 −3.8± 0.4 -8.2 ±0.4 22± 1 11± 3 11 Nov 2006
HD 249879 -5.9 -10.6 11± 0 34± 10 15 Nov 2006
HD 250550 -4.8 -6.1 58± 2 88± 25 12 Nov 2006
HD 259431 -5.4 -5.7 125± 4 250± 140 14 Nov 2006
HD 278937 -0.4 -2.1 16± 1 4.5± 1 13 Nov 2006
HD 35187 2.0 -2.4 45± 4 3± 2 20 Mar 2008
HD 36112 -3.7 -5.4 56± 4 7± 2 14 Nov 2006
HD 36408 7.9 -0.4 7± 3 2± 2 15 Nov 2006
HD 37806 -3.6 -3.8 112.8± 5.9 > 19 15 Nov 2006
HD 38120 -9.2 -9.6 56± 1 31± 24 13 Nov 2006
HD 50138 -9.2 -9.6 901± 19 236± 80 10 Nov 2006
HD 53367 ±0.3 -1.7 ±0.3 26± 5 110± 50 01 Mar 2007
HK Ori -3.4 -4.9 23.4± 0.9 15± 4 11 Nov 2006
LkHα 215 -3.2 -4.4 29± 1 58± 17 13 Nov 2006
MWC 480 -3.2 -7.0 188± 5 10± 2 09 Nov 2006
PX Vul -8.0 -9.6 28.2± 0.6 16± 5 23 Sept 2007
UX Ori -0.7 -2.7 15± 1 10± 3 22 Mar 2008
V1686 Cyg -1.6 -2.1 58± 6 170± 50 24 Sept 2007
V346 Ori 1.4 -2.8 4.0± 0.3 2.9± 0.7 11 Nov 2006
V350 Ori −1.2± 0.6 -7.2 ±0.3 14± 1 9± 3 13 Nov 2006
V380 Ori -9.4 -10.0 179± 4 103± 34 15 Nov 2006
VV Ser -3.7 -10.8 137± 3 47± 10 24 Sept 2007
XY Per -0.8 -1.8 28± 3 10.8± 6.5 09 Nov 2006
Z CMa -0.6 -0.6 80± 27 330± 160 03 Mar 2007
Table 2.2: Herbig Ae/Be Br γ Observations.
The typical uncertainty in the equivalent widths for most of our stars is less than 0.2 Å, with the
exceptions of V350 Ori and HD 245185, which are given in the table.
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Star Spectral EW EW EW EW GL06 BSNR07
Type Å Å Å Å Å Å
(1) (2) (3) (4) (5) (6) (7) (8)
HD 259431 B6 -5.4 -4.1 -6.68
HD 250550 B7 -4.8 -5.1 -6.38
VV Ser B7 -3.7 -4.5 -9.0
HD 179218 B9 -1.0 1.3
HD 149914 B9 9.7 6.9 6.26
AB Aur A0 -2.5 -4.4 -3.75
HD 163296 A1 -4.3 -4.7 -2.99
HD 150193 A1 -1.4 -3.5
HD 35187 A2 2.0 1.4
XY Per A2 -0.8 -0.1
MWC 480 A3 -3.2 -4.0
HD 36112 A3 -3.7 -1.0
UX Ori A3 -1.1 -0.7 -2.4
KK Oph A8 -1.4 -1.4 -1.2
HD 142666 A8 1.9 1.8 2.1 1.02
HD 144432 A9 1.5 -2.1
HD 35929 F2 3.3 3.3
Table 2.3: Herbig Ae/Be Br γ Variability
The variability of the observed equivalent width of Br γ over different epochs. Columns 3 through
6 are Br γ observations that we took at four different epochs from November 2006 to March 2008
(see Table 2.7). We only include those stars for which we have observations at different epochs.
Column 7 is equivalent widths from Garcia Lopez et al. (2006), and column 8 is equivalent widths
from Brittain et al. (2007).
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Star ∆ DB Ṁ Lacc Date of
10−7Myear
−1 L Observations
(1) (2) (3) (4) (5)
AB Aur 0.13 0.18± 0.04 0.67± 0.18 19 Mar 2009
BF Ori 0.22 0.87± 0.55 2.9± 2.0 15 Mar 2008
CQ Tau 0.26 1.12± 0.55 3.8± 2.0 14 Mar 2008
HD 142666 0.12 0.17± 0.04 0.38± 0.09 19 Mar 2009
HD 144432 0.13 0.18± 0.04 0.77± 0.18 19 Mar 2009
HD 163296 0.19 0.69± 0.41 2.1± 1.2 21 Mar 2009
HD 179218 0.33 1.90± 0.8 6.8± 2.8 19 Mar 2009
HD 244314 0.28 1.26± 0.55 3.8± 2.0 19 Mar 2009
HD 244604 0.18 0.63± 0.41 2.1± 1.2 19 Mar 2009
HD 245185 0.18 0.63± 0.41 2.6± 1.7 13 Mar 2008
HD 249879 <0.07 < 0.1 < 0.37 15 Mar 2008
HD 250550 0.11 0.16± 0.04 0.68± 0.17 14 Mar 2008
HD 259431 0.63 7.8± 0.5 46.2± 3 13 Mar 2008
HD 278937 0.40 2.2± 0.9 6.9± 2.8 19 Mar 2009
HD 35187 0.15 0.25± 0.2 0.81± 0.65 13 Mar 2008
HD 36112 0.67 8.9± 0.5 24.3± 1.5 20 Mar 2009
HD 36408 <0.04 < 0.1 < 0.36 21 Mar 2009
HD 37806 0.29 1.4± 0.5 5.4± 2.7 16 Mar 2008
HD 38120 0.28 1.26± 0.55 2.7± 1.6 19 Mar 2009
HD 50138 0.53 5.5± 0.4 18.8± 1.4 19 Mar 2009
HD 53367 <0.09 < 0.12 < 0.74 14 Mar 2008
HK Ori 0.67 5.6± 1 21± 2.0 13 Mar 2008
Lk Hα 215 0.34 1.9± 0.8 7.7± 3.2 13 Mar 2008
MWC 480 0.26 1.26± 0.55 4.2± 1.7 15 Mar 2008
PX Vul 0.35 1.9± 0.8 6.2± 2.6 20 Mar 2009
UX Ori 0.21 0.66± 0.43 2.1± 1.2 15 Mar 2008
V1686 Cyg 0.63 7.7± 0.54 27.3± 1.9 22 Mar 2009
V346 Ori 0.26 1.26± 0.55 4.7± 2 13 Mar 2008
V350 Ori 0.28 1.26± 0.55 4.3± 2 19 Mar 2009
V380 Ori 1.00 25± 1 100± 4 14 Mar 2008
VV Ser 0.16 0.32± 0.25 1.4± 1.1 19 Mar 2009
XY Per 0.25 0.95± 0.44 3.7± 1.9 14 Mar 2008
Z CMa 0.33 1.9± 0.8 7± 3 14 Mar 2008
Table 2.4: Herbig Ae/Be Balmer Break Observations
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Figure 2.1: Spectra of Br γ. The spectra have been normalized and offset for clarity. The dotted
vertical line represents the center line of Br γ at 2.166 µ. No emission feature is apparent in some of
these sources due to a combination of veiling by the 2µm continuum of the disk and blending with
photospheric absorption.
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Figure 2.2: Spectra of the Balmer discontinuity. In each graph, the solid line represents the SED of
the HAeBe star. The dashed line represents either the SED of a standard star of the same spectral







Figure 2.5: Logarithm of the accretion luminosity vs. the logarithm of the Br γ luminosity. The
HAe stars are represented by asterisks and the HBe stars are presented by squares. Data of classical
T Tauri stars from Muzerolle et al. (1998) and intermediate-mass T Tauri stars from Calvet et al.
(2004) are also plotted. These data are represented as diamonds and triangles respectively. The
best fit for classical T Tauri stars from Muzerolle et al. (1998) is plotted as a solid line.
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Figure 2.6: Logarithm of the accretion flux vs. the logarithm of the Br γ flux. The luminosity
of Br γ and the accretion luminosity have been scaled by d2 for the CTTSs (diamonds), IMTTSs
(triangles), HAes (asterisks), and HBes (squares). The CTTSs, IMTTSs, and HAes follow the same
trend indicating that the relationship is not driven by the d2 dependence. The HBes do not follow
the same trend. The flux of Br γ significantly overestimates the accretion flux.
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Figure 2.7: Logarithm of the accretion luminosity vs. the logarithm of the Br γ luminosity with
error bars. The diamonds are HAe stars and the small squares are HBe stars. The dashed line is
a weighted least-squares fit to the HAe stars while the solid line is the fit to CTTSs reported by
MHC98.
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Figure 2.8: The logarithm of the stellar mass versus the logarithm of the stellar accretion rate. We
plot all of the HAeBe stars in our sample along with IMTTSs and CTTSs as plotted in C04. We used
the accretion rate inferred from the veiling of the Balmer discontinuity for our data. Overplotted on
the data is a line with a slope of 1.95 which was fit to the T Tauri stars by C04. We are not sensitive
to accretion rates less than 10−8 M yr
−1. There is a scatter of about 2 dex which is comparable
to that of the T Tauri stars.
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Chapter 3
Mass Accretion and Br γ
Luminosities of Herbig Ae and Be
Stars
3.1 Introduction
In the previous chapter, I determined the veiling of the Balmer discontinuity for 33 HAeBe
stars and, based on Muzerolle et al. (2004), infered the mass accretion rate and accretion luminosity
based on this veiling. Muzerolle et al. (1998) determined a strong correlation between Br γ luminosity
and accretion luminosity for T Tauri stars. We showed in Donehew and Brittain (2011) that this
correlation holds for HAe stars, with a 51% probability from a Kolmogrov-Smirnoff test that the
HAes and the T Tauris from Muzerolle et al. (1998) come from the same population. Adding the
HBe stars to the HAe stars, the same probabilty drops to less than 3%. This suggests that HAe
stars are undergoing magnetoaccretion in the same manner as T Tauri stars, but the same cannot
be said for HBe stars.
Spectropolarimetry measurements by Vink et al. (2002), Vink et al. (2005), and Mottram
et al. (2007) indicate that there may indeed be a justifiable distinction between HAe and HBe stars.
The Hα, Hβ, and Hγ lines for HAe stars sometimes showed intrinsic line polarization compared to
the continuum. The authors suggest that this is caused by emission from a compact source that is
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then scattered by a surrounding material. For the HBe stars, these lines were generally depolarized
compared to the continuum. This is what is expected if the line emission is from an extended
source (such as a wind) compared to the stellar photosphere. They speculate that the difference in
polarization is due to magnetoaccretion in Ae stars and boundary layer accretion in HBe stars.
In this chapter, I measure the veiling of the Balmer discontinuity for 21 new HAeBe stars.
For the sample of 21 new stars in this sample, most are in the spectral class range of B7 to A3.
The focus on this spectral class range is an effort to determine where the correlation between Br γ
luminosity and accretion luminosity breaks down, and how abruptly it does so. Radio observations
by Skinner et al. (1993) indicate the 3.6cm radio emission luminosity of HAeBes is strongly dependent
on effective temperature for HAeBes earlier than A2, with an abrupt detection cutoff for HAeBes
later than A2. This is very similar to what is observed for the magnetic Ap/Bp stars, and Skinner
et al. (1993) attribute the cutoff to a sharp drop in the mass loss rate of the stellar wind. However, the
radio emission does suggest that HAeBes may have similar magnetic properties as Ap/Bp stars. By
increasing the sample size in the spectral range from mid A to late B, I can characterize the change
that occurs as the correlation between Br γ and accretion luminosity fades. Finally, by expanding the
overall sample size, I can further validate the veiling technique for determining accretion luminosity,
as well as the correlation between Br γ and accretion luminosity for HAe stars. The stellar properties
for the HAeBe stars in this chapter are listed in Table 3.4.
3.2 Observations and Data Reduction
I took optical and near infrared (NIR) observations of 21 HAeBe stars, from spectral range
B5 to A9, with a focus on the B8 to A2 range. These targets are mainly Southern Hemispheric
targets, and are meant to complement the HAeBe stars in the previous chapter. Targets were
chosen from Hillenbrand et al. (1992), Malfait et al. (1998), The et al. (1994), and Vieira et al.
(2003).
3.2.1 Infrared Observations
I observed the targets during two observing sessions, one in May 2008 and the other in
June 2009, operating the OSIRIS infrared imager/spectrometer on the SOAR telescope at CTIO
remotely from the University of North Carolina campus. OSIRIS contains a 1024x1024 HgCdTe
51
HAWAII array. I used OSIRIS in high-resolution (R = 3000) spectroscopic mode, with the Ks filter,
and the 2 pixel slit oriented in the E-W position. Appropriate dome flats and darks were taken, and
used to flatten the spectra. The target stars have Ks magnitudes brighter than 10.0, which allowed
me to get a signal-to-noise ratio of 25 or greater for my observations. I took spectra using an ABBA
nod sequence where the A and B positions of the star were separated by 10 arcseconds . To remove
the sky emission lines and atmospheric thermal background to first order, I combined the data by
(A − B − B + A)/2. We defined the location of the A and B beams on the chip and rectified the
spectrum in the spatial direction by fitting the centroid of the point spread function with a second
degree polynomial. I took exposures of the HeNeAr lamp at the telescope and used these exposures
to calibrate the wavelength of the spectra.
3.2.2 Optical Spectra
To measure the veiling of the Balmer discontinuity of the target stars, I used the R-C
spectrograph on the SMARTS 1.5m telescope at CTIO. The SMARTS 1.5m telescope uses a queue
system in which I submit a list of the target stars at the beginning of the observing semester, and the
telescope operaters then take observations of the target stars at their discretion over the observing
semester. As a result, the observations were scattered over several nights from March to June 2010.
The observations were taken using grating 26 with a clear filter and a 2 pixel slit. Wavelength
coverage was from 3660 Å to 5400 Å with a resolution of 4.3 ÅḞor each target star, I used the
dome flats and biases taken on the same night to correct for pixel to pixel sensitivity variation. I
fit a linear polynomial to the centroid of the spectrum to to rectify it in the spatial direction. To
correct for large scale instrumental sensitivity, I reduced the spectrum of a standard star (Feige 110)






I then fit a polynomial to the sensitivity function to ’smooth’ it out and remove noise and any
absorption or emission lines. Using the polynomial fit, I corrected all of my target star spectra for
instrumental sensitivity. To calibrate the wavelength of the spectra, I used the Balmer absorption
lines in the spectra.
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3.3 Results
As in the previous chapter, the Br γ was corrected for photospheric absorption lines and
for veiling by disk emission (or a low mass companion star) in the same manner as in Garcia Lopez
et al. (2006), using
Wcirc = Wobserv −Wphoto10−0.4∆mK , (3.2)
where Wcirc is the equivalent width of the Br γ emission from the circumstellar material, and
Wobserv is the observed equivalent width of the Br γ line. Wphoto is the equivalent width of the Br γ
photospheric absorption line of a star of the same spectral type as the HAeBe, which I took from
Garcia Lopez et al. (2006) and Wallace and Hinkle (1998). The 10−0.4∆mK factor corrects for the
veiling of the disk. ∆m is the difference in magnitude between the observed K magnitude (taken
from the Two Micron All Sky Survey(2MASS)), and the expected K magnitude for a star of the
same spectral type and at the same distance as the HAeBe star.
I converted the equivalent width of the Br γ line was to a flux by scaling the normalized
continuum to the flux density inferred from the 2MASS Ks measurement. I converted fluxes to
luminosities using distances taken from the literature. These distances are presented in Table 3.4.
Table 3.4 has the equivalent widths, line fluxes, and line luminosities for the target stars. The typical
uncertainty in the equivalent width was 0.5Å. In general, the uncertainty in the line luminosity is
dominated by the uncertainty in the distance to the star. For sources with reliable Hipparcos
measurements, we determined the uncertainty in the distance from the uncertainty in the parallax.
For other sources we adopted an uncertainty of 20%.
For the SMARTS 1.5m observations covering the Balmer discontinuity, I first normalized
the spectra to the flux at 4000 Å. For each target, I also normalized a Kurucz-Castelli(K-C) model
spectra of a star of the same spectral type and log g. Most of the target stars are near star formations
regions (SFRs), and the spectra are subject to extinction. Garrison (1978) asserts that the change
in extinction from 4000 Å to 3600 Å is, in general, small enough to ignore when determining the
veiling of the Balmer discontinuity. This is true for low levels of extinction (AV < 1) where the
change in extinction is less than 0.2 magnitudes. However, higher levels of extinction may be too
large to ignore. In order to directly compare each target HAeBe’s spectrum to the appropriate K-C
spectrum, I first dereddened the HAeBe spectrum assuming an RV = 3.1. I iterated on the value
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of AV until the continuum of the HAeBe spectrum matched the continuum of the K-C spectrum
between 4000 Å and 4600 Å. My tentative value for AV for each target HAeBe star is listed in Table
3.3. I should note that even if RV is not 3.1, but some higher value as might be expected for a SFR
(Whittet et al., 2004, 2001), my value for AV will be incorrect. However the dereddening process
will still match the continuum of the HAeBe spectrum to the K-C model spectrum. If RV = 5, for
example the veiling will be off by about 10%, which will cause the accretion luminosity to be off by a
factor of 2 or less, depending on the value of AV . Even if the value of RV is correct, one can expect
a ’fitting error’ of about 0.03 magnitudes when fitting the HAeBe spectrum to the K-C spectrum.
This may cause the measured accretion luminosities to be off by a factor of less than 2.
After corrected for reddening, I determined the relative difference in the mean flux at 3700
Å between the HAeBe star and the K-C model star, and then calculate the resulting difference in







where ∆DB is the difference in magnitude, F∗ is the stellar flux, and FA is the accretion flux. Based
on the work in Muzerolle et al. (2004) I determined the mass accretion rate associated with ∆DB .





where M∗ and R∗ are the stellar mass and radius, respectively, and Ṁ is the mass accretion rate.
Due to the limitaions of this measuring method, as well as the limitations of the model that I am
using from Muzerolle et al. (2004), the mass accretion rate can only be reliably inferred for values
of ∆DB > 0.1. The results are summarized in Table 3.3.
3.4 Analysis
For four of our sources (HD 123247, HD 144668, HD 164577, and V351 Ori), I did not
detect circumstellar Br γ emission, nor did I detect veiling due to accretion. I include upper limits
for these four stars in Table 3.4 and Table 3.3. However, since these stars show no indication of
accretion activity, I leave them out of the analysis of results. I chose these four stars because of their
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association with a known star formation region or because they showed evidence of circumstellar
material. However, none of the observable Balmer lines are in emission. Perhaps these stars are not,
or should not be considered to be HAeBe stars.
Figure 3.7 and Table 3.4 show the results of the Br γ observations. Br γ is a deep absorption
line in the photospheres of early A stars, so even though some of the target stars show absorption
at Br γ, that is the result of photospheric absorption line being veiled by circumstellar enission.
Figures 3.8 and 3.9 and Table 3.3 show the results of the Balmer break observations. Several of the
HAeBe stars clearly show veiling of the Balmer break.
As with the HAeBe stars from the previous chapter, the HAe stars of this chapter are
consistent with the Br γ / Accretion luminosity correlation of Muzerolle et al. (1998), while the
HBe stars of this chapter do not follow the correlation. Figure 3.10 displays the HAe and HBe stars
against the correlation. The scatter of the HAe stars about the correlation line is also similar to the
scatter of the HAe stars of the previous chapter. The observations were taken at different epochs,
so any variability in the accretion rate would contribute to the scatter. However, as I showed in the
previous chapter, a search through the literature indicates that the variability of Br γ equivalent
widths and Ks magnitudes of HAeBe stars is generally not strong, and cannot account for the
scatter of the HBe stars.
Figure 3.11 shows the classical T Tauri stars (CTTS) from Muzerolle et al. (1998), the
intermediate T Tauri stars (ITTS) from Calvet et al. (2004), the HAeBes from the previous chapter,
and the HAeBes from this chapter. The correlation relation between accretion luminosity and Br γ
luminosity for the CTTSs determined by Muzerolle et al. (1998) is given by
log(Lacc/L) =
(1.26± 0.19)log(LBrγ/L) + (4.43± 0.79). (3.5)
This correlation lines is also plotted on Figure 3.11. From a casual inspection, it appears that the
HAe stars follow the correlation trend line, but with a bit more scatter than the CTTSs and a similar
scatter to the ITTSs. A Kolmogrov-Smirnoff(K-S) test of all the HAe stars from this chapter plus
the previous chapter indicate that there is a 0.75 probability that that the HAe stars and the CTTS
stars are from the same statistical population with respect to the correlation trend. When I add the
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HBe stars to the HAe stars and again run a K-S test of both HAes and HBes versus the CTTSs, the
probabilty drops to 0.01. This is a strong indication that the Br γ luminosity of HAe stars correlates
with accretion luminosity in the same fashion as it does for CTTSs, but the Br γ luminosity of HBe
stars does not correlate to accretion luminosity.
It is instructional to see how the best-fit line to the HAeBe data changes, starting with the
later HAe stars, and then progressively adding in earlier and earlier HAeBes. Figure 3.1 through
figure 3.6 show such a progression. The K-S test for each grouping compared the the CTTSs is given
in each figure. The K-S test for the HAe stars hovers around 0.75. One can see how the best fit
line to HAeBes begins to deviate significantly from the CTTS correlation line as the HBe stars are
added to the fit. The best-fit line becomes much flatter once the HBe stars begin to be added. The
K-S test drops significantly once the HBe stars are added to the test, dropping 50 percentage points
with just the addition of the B9 stars, then dropping to a probability of 0.11 once the B8 and B7
stars are added, and finally dropping to probabilities less than 0.05 once the earlier HBe stars are
added.
Figure 3.1: Plot of accretion luminosity versus Br γ luminosity fo the HAeBes of spectral class F2
to A5. The solid line is the correlation from Muzerolle et al. (1998). The dashed line is the least
squares best fit to the data points plotted. The K-S test for this group compared to the CTTSs is
0.78.
Figure 3.12 again shows accretion luminosity versus Br γ luminosity. This time, only the
HAeBe star from A3 to B7 are show, each represented by a different symbol. The correlation line
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Figure 3.2: Plot of accretion luminosity versus Br γ luminosity fo the HAeBes of spectral class F2
to A2. The solid line is the correlation from Muzerolle et al. (1998). The dashed line is the least
squares best fit to the data points plotted. The K-S test for this group compared to the CTTSs is
0.72.
Figure 3.3: Plot of accretion luminosity versus Br γ luminosity fo the HAeBes of spectral class F2
to A0. The solid line is the correlation from Muzerolle et al. (1998). The dashed line is the least
squares best fit to the data points plotted. The K-S test for this group compared to the CTTSs is
0.75.
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Figure 3.4: Plot of accretion luminosity versus Br γ luminosity fo the HAeBes of spectral class F2
to B9. The solid line is the correlation from Muzerolle et al. (1998). The dashed line is the least
squares best fit to the data points plotted. The K-S test for this group compared to the CTTSs is
0.22.
Figure 3.5: Plot of accretion luminosity versus Br γ luminosity fo the HAeBes of spectral class F2
to B7. The solid line is the correlation from Muzerolle et al. (1998). The dashed line is the least
squares best fit to the data points plotted. The K-S test for this group compared to the CTTSs is
0.11.
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Figure 3.6: Plot of accretion luminosity versus Br γ luminosity fo the HAeBes of spectral class F2
to B5. The solid line is the correlation from Muzerolle et al. (1998). The dashed line is the least
squares best fit to the data points plotted. The K-S test for this group compared to the CTTSs is
0.01.
from Muzerolle et al. (1998) is also shown. The A2 and A3 stars conform closely to the correlation
line. A couple of the A1 and A0 stars have overstated Br γ luminosities. Eight of the B9, B8, and B7
stars have overstated Br γ luminosities, while four of them seem to correlate well with Br γ. There
does not seem to be a sharp sudden transition or break from correlation to non-correlation. This
may be partly due to variability in HBe stars. However, since all of the HBe stars have overstated
Br γ luminosities, it is likely that the Br γ luminosity is being augmented by emission from a stellar
wind.
If I add the HAe stars from this chapter to the HAe stars from Donehew and Brittain
(2011), and perform a least-squares fit of the accretion luminosity versus the Br γ luminosity, I get
the following relationship
log(Lacc/L) =
(0.87± 0.17)log(LBrγ/L) + (3.2± 0.6). (3.6)
which is very similar to the result for the HAes in Donehew and Brittain (2011), and for ITTSs from
59
Calvet et al. (2004).
Interferometric observations which can resolve the location of Br γ emission in HAeBe stars
have produced mixed results (see Kraus et al. (2008) and Eisner et al. (2009)). Spectroastrometric
observations, in which spatial information is derived from the cross dispersion profile, should resolve
if Br γ emission is limited to near the star, as one expect for magnetoaccretion, or if it is extended,
as one might expect if it is emitted from a wind. The variabilty of HAeBe stars also needs to
be addressed with more long term observation. If accretion luminosity and Br γ luminosity vary
together, than simultaneous observations of Br γ and the Balmer break should eliminate some of
the scatter in Figures 3.11 and 3.10. However, it is clear from the results of this chapter and the
previous chapter that the correlation between accretion luminosity and Br γ luminosity for T Tauri
stars found by Muzerolle et al. (1998) is the same for HAe stars. The suggests that HAe stars accrete
mass in the same manner as T Tauri stars. Since HAe stars do not have strong dipole magnetic
fields, the dipole model for magnetoaccretion in T Tauri must not be appropriate. The magnetic
field topology governing accretion must be more complex.
60
Star Spectral Distance Ks Magnitude Mass Radius log g
Type pc 2MASS M M
(1) (2) (3) (4) (5) (6) (7)
HD 100453 A91 111± 22 5.60 1.66 1.66 4.27
HD 100546 B91 103± 7 5.42 2.84 2.84 4.27
HD 101412 B9.51 6002 ± 120 7.47 2.1 2.3 4.17
HD 104237 B91 1154 ± 24 4.59 2.464 1.964 4.0
HD 114981 B5 935± 455 7.44 5.9 4.0 4.17
HD 121847 B8 104± 8 5.38 3.2 3.8 4.0
HD 139614 A71 1578 ± 32 6.75 2.04 2.94 4.0
HD 190073 A2 290± 58 5.86 2.5 2.3 3.45
HD 68696 A1 6006 ± 120 10.38 2.5 2.7 4.0
HD 87403 A1 4356 ± 88 8.97 2.5 2.7 3.37
HD 94509 B8 20006 ± 400 8.93 3.2 3.8 4.0
HD 95881 A1/A2 1184 ± 22 5.7 3.14 2.64 4.0
HD 98922 B91 2004 ± 40 4.3 1.94 2.24 4.0
KK Oph A81 1603 5.8 1.33 1.73 4.0
V566 Ori A0 4406 ± 67 9.7 2.7 2.9 4.0
Table 3.1: Herbig Ae/Be Stellar Parameters(Follow Up Observations)
For those stars for which we could not find a stellar radius and mass in the literature, we assumed
that the star was on the main-sequence and estimated its mass and radius based on its spectral type.
1Manoj et al. (2006)
2Reed(2003)
3Hillenbrand et al (1992)
4Blondel & Djie (2006)
5Montesinos et al. (2009)
6Vieira et al. (2003)
7Guim araes et al. (2006)
8Grinin et al. (2001)
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Star EW (Obs.) EW (Cir.) FBrγ LBrγ Date of
Å Å (10−14 ergs s−1 cm−2) (10−4 L) Observation
(1) (2) (3) (4) (5) (6)
HD 100453 1.9 -1.1 27.7± 3.2 1.07± 2 13 May 2008
HD 100546 -6.9 -18.8 539± 19 18.2± 4 13 May 2008
HD 101412 -0.7 -2.8 12.2± 1 13.7± 4 14 May 2008
HD 104237 -5.8 -10.1 635± 22 26.7± 5 13 May 2008
HD 114981 -10.1 -11.6 52.4± 2 143± 60 13 May 2008
HD 121847 5.6 -5.3 160± 8 5.4± 2 14 May 2008
HD 139614 2.5 -3.5 30.3± 3 2.0± 2 13 May 2008
HD 150193 -2.0 -5.5 152± 7 10.7± 3 14 May 2008
HD 169142 1.4 -12.2 142± 7 10.3± 2 13 May 2008
HD 190073 -2.0 -3.2 61.9± 4 16.3± 50 14 May 2008
HD 68696 8.4 -4.2 1.3 2.5± 2 13 May 2008
HD 87403 7.4 -4.2 1.26± 1 2.8± 2 13 May 2008
HD 94509 -3.7 -4.7 5.4± 2 67.7± 20 13 May 2008
HD 95881 -2.8 -8.9 195± 3 8.5± 2 14 May 2008
HD 98922 -2.41 -3.5 291± 10 36.4± 8 Spring 20041
KK Oph -2.0 -7.2 55.7± 2 4.5± 2 01 Mar 2007
V566 Ori 8.6 -2.1 1.2± 1 1.8± 2 13 Nov 2006
Table 3.2: Herbig Ae/Be Br γ Follow Up Observations.
The typical uncertainty in the equivalent widths for most of our stars is less than 0.5 Å.
1Taken from Garcia Lopez et al. (2006)
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Star AV ∆ DB Ṁ Lacc Date of
10−7Myear
−1 L Observations
(1) (2) (3) (4) (5) (6)
HD 100453 0.3 < 0.1 < 0.13 < 0.40 03 Apr 2010
HD 100546 0.3 < 0.1 < 0.13 < 0.39 19 Mar 2010
HD 101412 0.8 < 0.1 < 0.13 < 0.43 19 Mar 2010
HD 104237 0.8 0.84 15.8 37 19 Mar 2010
HD 114981 0.2 0.15 0.26± 0.2 1.2± 0.9 19 Mar 2010
HD 121847 0.3 0.18 0.40± 0.25 1.49± 1.0 26 June 2010
HD 139614 0.1 0.18 0.40± 0.25 1.3± 0.9 14 June 2010
HD 150193 1.2 0.36 2.0± 0.9 7.8± 2.9 19 Mar 2010
HD 169142 0.8 0.41 3.2± 0.4 9.14± 3 08 Mar 2010
HD 190073 2.0 0.37 2.5± 0.9 8.19± 2.8 08 Mar 2010
HD 68696 0.3 0.14 0.19± 0.2 0.66± 0.5 19 Mar 2010
HD 87403 0.5 0.23 0.83± 0.48 2.8± 1.6 19 Mar 2010
HD 94509 0.1 0.43 2.9± 1.2 9.8± 3.2 03 Apr 2010
HD 95881 0.5 0.13 0.16± 0.02 0.59± 0.5 19 Mar 2010
HD 98922 0.5 0.10 0.13± 0.2 0.80± 0.6 19 Mar 2010
KK Oph 0.2 0.36 1.3± 0.3 4.5± 3 26 June 2010
V566 Ori 0.6 < 0.1 < 0.13 < 0.24 03 Apr 2010
Table 3.3: Herbig Ae/Be Balmer Break Follow Up Observations
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Figure 3.7: Spectra of Br γ. The spectra have been normalized and offset for clarity. The dotted
vertical line represents the center line of Br γ at 2.166 µ. No emission feature is apparent in some of
these sources due to a combination of veiling by the 2µm continuum of the disk and blending with
photospheric absorption.
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Figure 3.8: Spectra of the Balmer discontinuity. The flux is normalized at 4000Å. In each graph,
the solid line represents the SED of the HAeBe star. The dashed line represents the SED of the
Kurucz-Castelli model flux for a star of the same spectral type.
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Figure 3.9: Spectra of the Balmer discontinuity. The flux is normalized at 4000Å. In each graph,
the solid line represents the SED of the HAeBe star. The dashed line represents the SED of the
Kurucz-Castelli model flux for a star of the same spectral type.
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Figure 3.10: Logarithm of the accretion luminosity vs. the logarithm of the Br γ luminosity.
The diamonds are HAe stars and the small squares are HBe stars. The dashed line is a weighted
least-squares fit to the HAe stars while the solid line is the fit to CTTSs reported by MHC98.
67
Figure 3.11: Logarithm of the accretion luminosity vs. the logarithm of the Br γ luminosity. The
large asterisks are the HAe stars from this chapter, and the small asterisks are the HAe stars from
the previous chapter. The large squares are the HBe stars from this chapter, and the small squares
are the HBe stars from the previous chapter. Data of classical T Tauri stars from Muzerolle et al.
(1998) and intermediate-mass T Tauri stars from Calvet et al. (2004) are also plotted. These data
are represented as diamonds and triangles respectively. the dashed line is the least-squares best fit
line to the HAe stars. The best fit for classical T Tauri stars from Muzerolle et al. (1998) is plotted
as a solid line.
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Figure 3.12: Logarithm of the accretion luminosity vs. the logarithm of the Br γ luminosity for
spectral classes A3 through B7. Each spectral type is represented by a different symbol; A3/A2(*),
A1(X), A0(), B9(4), and B8/B7(square). The solid line is the fit to CTTSs reported by MHC98.
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Chapter 4
Concluding Remarks and Future
Work
In this thesis, I determine the accretion luminosities and the mass accretion rates of several
HAeBe stars by measuring the veiling of the Balmer discontinuity that is caused by the accretion
luminosity. The traditional method of determining the mass accretion rate of T Tauri stars, by
measuring the ’blue excess’ in the SED due to the accretion luminosity, cannot be used for HAeBes.
The inherent NUV/blue photospheric brightness of the HAeBe star swamps the accretion luminosity.
The veiling of the Balmer discontinuity therefore provides a way to measure the accretion luminosities
of HAeBe stars. This method can be used to measure accretion luminosities down to a few times
10−2L, which coresponds to accretion rates greater than 10
−8M per year (Calvet et al., 2004).
The mass accretion rate is an important parameter for modeling the star-disk interaction, as well as
for models of the disk structure and evolution (D’Alessio et al., 1999, 2001), and for modeling the
disk atmosphere spectra (Najita et al., 2003) .
This thesis also establishes that the Br γ luminosity of Herbig Ae stars correlates with mass
accretion luminosity in a similar fashion as they do for T Tauri stars, but the two luminosities do
not correlate for Herbig Be stars. This suggests that the accretion process for T Tauri stars and
Herbig Ae stars is similar, and that Herbig Ae stars accrete magnetospherically. However the actual
physical basis for the correlation is still not established. The magnetospheric accretion funnel flow
models of Martin (1996) and Muzerolle et al. (2001) showed that atomic hydrogen in the accretion
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funnel flows could be the source of the Br γ emission. However, interferometric measurements of the
Br γ emission line of HAeBe stars have had conflicting results. Kraus et al. (2008) found that Br γ
emission came from an extended source, and attributed it to the stellar wind. Eisner et al. (2009), on
the other hand, found that Br γ emission came from a compact source compared to the continuum.
In Donehew and Brittain (2011), we speculate that in the transition from early HAe stars to late
HBe stars, Br γ emission from recombination in the stellar wind begins to contaminate and dominate
emission due to accretion. The physical location of Br γ emission must be ascertained for HAe and
HBe stars. For HAe stars, how is the Br γ emission is related to accretion? Does it originate in
the funnel flows, as Martin (1996) and Muzerolle et al. (2001) suggest? Perhaps it originates in the
gas disk near the truncation radius (Muzerolle et al., 2004). The x-wind model of Shu et al. (1994)
suggests that it might be tied to magnetospherically driven stellar winds. For the spectral range of
A3 to B7, tracing the location of Br γ emission as the correlation with mass accretion fades should
indicate the contribution of recombination in the stellar wind to the Br γ luminosity. As emission
from a stellar wind starts to dominate, the emission region should be significantly more extended
than emission region from a funnel flow. Finally, is an emerging contribution from a stellar wind the
only reason for tha lack of correlation between the accretion luminosity and the Br γ luminosity?
If the process of accretion for most HBe stars is through a boundary layer, for example, there is
no reason to believe that the correlation would continue to be valid. The contribution to the Br γ
luminosity from the wind may be hiding the transition from magnetoaccretion to boundary layer
accretion for Herbig Be stars.
Refering to Figure 3.11, the scatter of the HAe stars about the accretion luminosity / Br γ
luminosity correlation line is larger than it is for the CTTSs. This may be due to the variablility of
HAe stars. However, this suggests that one should only use Br γ luminosity to infer an approximate
value for the accretion luminosity, and thus the accretion rate. For more accurate values, one should
use direct measurement of the veiling of the Balmer discontinuity, with the caveat that this method
is limited to accretion rates greater than 10−8M per year.
One way to get spatial information about the Br γ emission in HAeBe stars is by using
the technique of spectrastrometry. Spectroastrometry can be done on a standard slit spectrometer
with no special equipment. It is suitable for both the infrared and the optical, and can achieve
milliarcsecond scale resolution. The basic principle is to determine the cross-dispersion line profiles
of the dispersion spectrum as a function of wavelength. At any given wavelength, the position
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of the centroid of the line profile within the slit can be observed. One can also observe how the
position of the centroid changes with wavelength. If a source is extended, the full-width half-max
(FWHM) of the line profile can indicate the size of the emission region, and this can be done for
particular wavelengths, and thus for particular emission lines. By taking spectra at several position
angles of the slit, one can build up a spatial profile of the emission around a HAeBe as a function
of wavelength. Pontoppidan et al. (2008) used spectroastrometry to trace the Keplerian motion
of CO emission from the circumstellar gas disks of 4 YSOs, and Baines et al. (2006) detected
binary companions for various HAeBe stars, as well as an emission jet for HD 100546. We can
use spectroastrometry to measure the position and extent of the Br γ line for T Tauri stars, HAe
stars and for HBe stars. A 1 mas resolution translates to 0.1 AU for the nearest star formation
region. Taking this resolution as the best possible, if Br γ emission comes from the funnel flows
in HAe stars, both the centroid and the FWHM should be relatively unchanged at 2.167 µm. In
this case, Br γ should be centered on the star and its extent is only few stellar radii at most. If
however, Br γ emission is coming from recombination in a stellar wind, the size of the emission may
be several AUs. The FWHM of the cross dispersion line profile would then increase at 2.167 µm. If
the wind is assymetric or collimated, the centroid will also change position within the slit at that
wavelength. Spectroastrometric measurements of Br γ will allow us determine any differences in
the physical location and size of the emission area of the spectral line for T Tauri, HAe, and HBe
stars. In particular, by focusing on the spectral range A3 through B7, we can trace the change in
spectroastrometric signature as the Br γ / Luminosity accretion correlation breaks down.
Most of the Br γ and Balmer break observations were taken at different epochs, sometimes
years apart. Any variability in either the accretion luminosity or the Br γ luminosity is a significant
source of error for my results, and may explain some of the scatter of the data points in Figure 2.7
and Figure 3.10. Currently, the variability of the accretion luminosity of HAeBe stars is unknown.
However, Clemson University is part of the Southeastern Association for Research in Astronomy
(SARA). SARA operates a 0.6 meter optical telescope at CTIO in Chile, called SARA South. The
telescope can be operated remotely from the SARA observing room in Kinard Lab. The telescope is
equipped with the Stromgren system of filters. There are four Stromgrem filters (u, v, b, and y). Each
filter corresponds to a different color; ultraviolet(u), violet(v), blue(b), and yellow(y). Compared
to the Johnson-Cousins system of filters, the Stromgren filters have relatively narrow bandwidths
(200to300Å). Figure 4.1 shows the Stromgren filters as a function of wavelength. Figure 4.2 shows
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the filters superimposed onto the spectrum of an A2 star.
Figure 4.1: The Stromgren filters plotted against wavelength. (figure taken from
http://spiff.rit.edu/classes/phys440/lectures/filters/filters.html)
The u filter has a central wavelength(cwl) of 3537Å, and the v filter has a cwl of 4103Å.
The relative difference in flux between the two filters should be a good proxy for DB . Acquiring the
relative flux difference between the u and v filter for a HAeBe star and a standard star of the same
spectral type should allow us to calculate ∆DB using equation 2.2.
More importantly, Clemson has long term, regular access to SARA South. We should be
able to make frequent observations of HAeBe stars over the long term. We should be able to see if
the accretion luminosity is variable, including the magnitude of the variability and the timescale of
the variability, as measured by the relative difference in flux between the u and v filters.
While using the Stromgren filters on SARA South may allow us to measure the variability of
the accretion luminosity, it does not allow us to eliminate the effects of that variability if we want to
campare accretion luminosity to Br γ luminosity. To eliminate the effects of variability, we need to
take simultaneous observations of the Br γ line and the Balmer break. Normally, this would require
getting observation time on two different telescopes at the same time, one with a IR spectrograph
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Figure 4.2: The Stromgren filters superimposed over an A2 spectrum (figure taken from
http://spiff.rit.edu/classes/phys440/lectures/filters/filters.html).
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and one with an optical spectrograph. However, there is one instrument that allows to take both
simultaneously.
The X-shooter is a single target spectrograph on the European Souther Observatory’s Very
Large Telescope at Paranal, Chile. The main feature of the X-shooter is that it can aquire simulta-
neous spectra of a single target over a very broad wavelenght range, going from 300nm to 2500nm.
Figure 4.3 shows the wavelength range of the X-shooter.
Figure 4.3: The wavelength range covered by the X-shooter, indicat-
ing the limiting magnitude at each wavelength. (figure taken from
http://www.eso.org/sci/facilities/develop/instruments/xshooter/).
With the X-shooter, we could take simultaneous observations of the Br γ line and the
Balmer break. This would eliminate any temporal variation that affected both luminosities. Since
most of the HAeBes are bright in both the infrared and the near UV, we could acquire the spectra
of many HAeBes in a single night on the VLT, and with good signal-to-noise. If the two luminosities
vary together concurrently through time, then the error due to variability could be done away with.
The scatter that we currently see in the plots of accretion luminosity versus Br γ luminosity would
hopefully be significantly reduced. A reduction in the scatter would also help us to better characterize
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Reduction Procedures for Spectra
A.1 Brackett Gamma Observation and Reduction Techniques
The Brackett Series are the transitions in the hydrogen atom to the quantum number n = 4
energy level. Each transition in the series is futher designated by a greek letter, with the lowest
energy transition being alpha, the next lowest beta, etc. The Brackett gamma (Br γ) transition
in the hydrogen atom is the transition from n = 7 to n = 4, or vice-versa. This transition either
absorbs or emits a photon with a wavelength of 2.167 microns. The Br γ spectral line is therefore
in the near infrared (NIR).
The spectra of Herbig Ae/Be (HAeBe) stars often show the Br γ transition as an emission
line, or as a veiled absorption line. Muzerolle et al. (1998) showed that there is a close correlation
between Br γ luminosity and accretion luminosity for T Tauri stars. Part of the work of this thesis
is to determine if this correlation is valid for HAeBes.
I observed the Br γ spectral line of 33 candidate HAeBe stars using the FLAMINGOS
infrared imager and spectrometer on the 2.1 meter telescope at Kitt Peak National Observatory. I
also made observations of the same spectral line for 24 candidate HAeBe stars using the OSIRIS
infrared imager and spectrometer on the 4 meter SOAR telescope at Cerro Telolo Inter-American
Observatory. I selected the sources from Hillenbrand et al. (1992), Malfait et al. (1998), The et al.
(1994), and Vieira et al. (2003). HAeBes are relatively rare, so in order to get a good sample over
several spectral types, I selected sources from multiple star formation regions.
I used FLAMINGOS in spectrograph mode (R = 1300) with the Ks filter, HK grism and
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the 3 pixel diffraction slit oriented in the North-South direction. FLAMINGOS uses a 2048x2048
pixel HgCdTe CCD detector array. Due to flexure in the detector, I took flats at each star location.
I took darks for each of our exposure times. The HAeBes are relatively bright, with magnitudes
brighter than 10 in the Ks band for most sources, allowing a signal-to-noise ratio of about 25 with
relatively short exposure times (10 to 20 minutes for most sources). These observations were taken
from November 2006 through March 2008.
I observed the OSIRIS sources during two observing sessions, one in May 2008 and the other
in June 2009, operating OSIRIS in high-resolution (R = 3000) spectrograph mode remotely from the
University of North Carolina campus. OSIRIS contains a 1024x1024 pixel HgCdTe HAWAII CCD
detector array. Observervations were conducted with the Ks filter, and the 2 pixel diffraction slit
oriented in the East-West position. I took dome flats each night, and darks for each exposure time.
The target stars have Ks magnitudes brighter than 10.0, which allowed me to get a signal-to-noise
ratio of 25 or greater for my observations.
In general, both the observing and reduction methods for FLAMINGOS and OSIRIS were
the same, or very similar. I will describe these methods in general, and will note any differences
between FLAMINGOS and OSIRIS where they occur.
The Ks filter is a NIR filter with an effective wavelength range from 2.0 microns to 2.3
microns, with a central wavelength of 2.15 microns. This makes it a very good filter for observing
the Br γ line at 2.167 microns. One major issue that occurs when making NIR observations from the
ground is the Earth’s atmosphere. The air glows in the NIR. Any spectrum I take of a HAeBe star
will have the spectrum of the Earth’s atmosphere superimposed on it. To remove the atmospheric
emission, I employed the ABBA technique. The ABBA entails four distinct observations, two ’A’
observations and two ’B’ observations. All four obsevations must have the same exposure time. The
’A’ and ’B’ refer to two different locations in the diffraction slit. The first observation of the HAeBe
star is an ’A’ observation. The telescope is then shifted (or ’nodded’) a short distance (usually a
few arcseconds) along the same orientation of the slit, thus keeping the star in the diffraction slit.
A second observation, a ’B’ observation, is then taken. The third obsevation will be another ’B’
observation. The telescope is then nodded back to the position of the first observation, and a fourth
observation is taken, an ’A’ observation. In summary, after I make one observation of a HAeBe star,
I nod the telescope a short distance, take two more observations, and then nod the telescope back to
its original position to take one last observations. This is the ABBA technique. As a result of this
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technique, the two ’A’ spectra and the two ’B’ spectra are in different locations on the CCD chip,
and will thus be in different locations on the resulting images. The four images are then combined
mathematically by (A−B−B+A)/2. This removes the sky emission lines and atmospheric thermal
background to first order. I take the observations in the ABBA order to mitigate the effects of a
changing airmass as I take the observations. The mean airmass of the two ’A’ observations should
be roughly equivalent to the mean airmass of the two ’B’ observations. For a relatively faint star, I
may need to take several ABBA sequences to get a good signal-to-noise ratio.
Below is the step by step reduction and analysis process of the Br γ spectra I took with
FLAMINGOS and OSIRIS.
I create a directory for each star for which I have Br γ observations. In each star’s directory,
and for each ABBA set of images, I write a text file (starname.init), called an ’init file’, that lists the
directory location of the ABBA images, as well as the appropriate flats and darks for that image.





C : \MyDocuments\Research\RawData\SOAR\13may08\dflat on.0001.fits
C : \MyDocuments\Research\RawData\SOAR\13may08\dflat on.0002.fits
C : \MyDocuments\Research\RawData\SOAR\13may08\dflat off.0001.fits
C : \MyDocuments\Research\RawData\SOAR\13may08\dflat off.0002.fits
To reduce the images to get a spectrum, I use several routines written in the Interactive
Data Language (IDL). These routines were originally written to reduce images from other infrared
spectrometers, but I adapted them for FLAMINGOS and OSIRIS images.
After starting IDL, at the prompt I type @b1 4disps. This executes a series of IDL routines
in a specific order, listed below.
load glob - The routine defines some global variables that will be used during the reduction
process.
startup 4disp4 big - The routine will prompt me to input the name of the star that I am
reducing, and then grab the init file from that star’s directory. The routine will then prompt me to
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input an initial guess at the dispersion of the spectrum. I enter ’3.5’ for FLAMINGOS and ’1.0’ for
OSIRIS, but it isn’t really that important because I can correct it later. The routine then asks me
if I want to generate an SSP atmospheric model. For my measurements of Br γ luminosity, this is
not necessary, so I respond ’no’.
read abba phx - The routine uses the information from the init file and reads the star’s
data image files into an IDL array for each file. There will be an array for each ’A’ image, each ’B’
image, each flat and each dark.
son man - The routine combines the 2 ’A’ and 2 ’B’ images according to (A−B−B+A)/2.
The combined image is then displayed in an IDL window on my monitor (see Figure A.1). The
routine directs me to ’Pick points on A beam’. With the mouse, I left click on several points on the
upper beam. When I am done, I right click. The rountine then tells me to ’Pick points on B beam’.
I repeat the process for the lower beam. The routine then fits a first order polynomial to each of
the two beams. In this way, I define the location of the A and B beams on the chip.
Figure A.1: Combined image of the A and B observations for HD 190073. The images containing
the spectrum of HD 190073 were combined according to (A − B − B + A)/2 in order to eliminate
sky emission and thermal brightness to first order. The top beam is the ’A’ beam, and the bottom
beam is the ’B’ beam.
flatten phx - This routines uses the arrays for the flats and the darks to remove thermal
noise and to eliminate pixel to pixel variation in the sensitivity of the CCD chip. The routine then
combines the flattened ’A’ and ’B’ arrays according to (A − B − B + A)/2. The resulting array is
called mset.
box filter - This routine searches mset for ’bad’ pixels and cosmic ray hits and replaces
them with the average value of the surrounding pixels. The routine will ask me to input a ’scrubbing
threshold’. I input a value of ’6’. If the value of a pixel is more than 6 standard deviations away
from the mean value of the surrounding pixel, the routine will flag that pixel as ’bad’ and replace it.
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The routine then asks me if the mask and the cleaning are acceptable, to which I input ’yes’, and
then it asks me if I want to ’rescrub’ the cleaned image, to which I say ’no’.
gs phx sean2np - this routine fits a gaussian to the width of the A and the B beam.
straighten np, beam straight np, and mcrop - These routines take two ’slices’ out of mset.
The first slice is centered on the centroid of the ’A’ beam across the entire chip, and the second slice
is centered on the centroid of the ’B’ beam across the entire chip. Using the polynomial fit from the
son man routine, the slope and/or curvature is removes from both beams. Two arrays are created
based on the two slices. The ’A’ beam sits astride the middle rows of the first array, and the ’B’
beam sits astride the middle rows of the second array. The two arrays are then combined into a
single array called mset clip.
save mset - This routine plots a one-column slice of mset clip for me to inspect(see Figure
A.2 below).
Figure A.2: A one-column slice of mset array, showing the ’A’ beam and the ’B’ beam. The array
has been flatfielded and bias subtracted, and shows the relative flux of the ’A’ beam and the ’B’
beam after the (A−B −B +A)/2 operation. The positive ’bump’ is the cross-dispersion profile of
the ’A’ beam. The negative ’bump’ is the inverse cross-dispersion profile of the ’B’ beam.
b1 4disps is complete at this point. I run the next few routines directly from the IDL
prompt to get to a finished spectrum.
addrows nod nir - Based on the plot of mset clip, the routine prompts me to input the
column range for the ’A’ beam. For example, for the plot in Figure A.2, I chose a column range
from 57 to 67. Since Figure A.2 is a column slice of mset clip, the column range that I chose actually
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corresponds to the range of rows in mset clip that contain the ’A’ beam. The routine then adds
those together to get an ’A’ beam spectrum. I rename the spectrum speca and rerun the routine,
this time inputing the column range for the ’B’ beam. I negate the ’B’ spectrum and rename it
specb. I then add speca and specb together to get spec, which will look something like Figure A.3.
This is the raw spectrum of the star.
Figure A.3: The combined raw spectrum of HD 190073 plotted against wavelength, after it has been
flatfielded, bias corrected, and extracted from the chip.
spec extract - This routine allows me to select a column range of spec that contains the
part of the spectrum that I think is useful or useful. For example, for the spectrum shown in Figure
A.3, I selected the column range from column 50 to column 900, as this cut out the two ends of the
spectrum where the counts fall off.
deslope opt nir - I use this routine to remove the curvature from the continuum of the
spectrum and normalize it. The routine will display spec in a window and prompt me to select the
parts of the spectrum that are not part of the continuum (i.e. any absorption or emission lines).
I select out the absorption and emission line by running the cursor over those lines while holding
down the left mouse button. This draws a series of horizontal red lines on the display window over
the areas where I held down the left mouse button. When I am done selecting out the parts of
the spectrum that are not the continuum, I click the right mouse button. I am then prompted to
enter the degree of the polynomial that the routine will then attempt to fit the contiuum with. I
am then prompted as to whether I wish to divide the spectrum by the fit or subtract it. I choose to
83
divide by the polynomial fit. The routine then displays the resulting spectrum, called specda, for my
inspection. I am then prompted to repeat the above process if I desire. If I do not, I quit out of the
routine. Sometimes the desloping process is not as succesful as I would like. If this is the case, I will
will cut out a small area of specda surrounding the Br γ line and rerun deslope opt nir on that
small piece of the spectrum. I will then reinsert the desloped piece back into the larger spectrum.
See Figure A.4 for an example.
Figure A.4: The desloped spectrum of HD 190073 plotted against wavelength. The curvature of the
continuum has been removed and the continuum flux normalized.
ohspec fit - To wavelength calibrate the FLAMINGOS spectra, I took a sky spectrum at
each star location, and then compared it to a standard OH line spectrum. To create the standard
OH line spectrum I convolved an artificial OH line stick spectra with a Gaussian matched to the
resolution of the FLAMINGOS observations. From the OH spectrum, I calculated the dispersion
and aligned the features of the OH spectrum to the correct wavelengths. ohspec fit then plots specda
versus wavelength, and allows me to adjust the dispersion and the alignment until both are right.
I do something similar for the OSIRIS spectra, except that I took exposures of the HeNeAr lamp
at the SOAR telescope and used that to calibrate and align the stellar spectra. Once I am satisfied
with the wavelength calibration, I make a final plot of specda versus wavelength.
save spec - This routine prompts me to input the name of the star, the name of the array
containing the wavelength dispersion, and the name of the array containing specda. The routine
then saves this information in the star’s directory as ’starname.dat’.
line lumin - This allows me to measure the equivalent width of the Br γ line. The routine
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asks me which array contains the wavelength dispersion, and then asks which array contains the
spectrum. It then displays a plot of the spectrum and asks me to input a column range of a continuum
region near the Br γ line. I usually pick a fairly large range which includes the Br γ line. The routine
then calculates a continuum value based on the median value of the spectrum for the column range
that I give it. It then overplots this continuum line onto the spectrum. I am then asked if this
continuum is acceptable. If I answer ’no’, I am asked for a number by which the spectrum will be
divided. The spectrum is then reploted, and I am once again asked if the continuum is acceptable.
This process repeats until I am satisfied with the continuum. The routine then asks me to input
the column range over which the Br γ line extends, and then displays a plot of the spectrum over
that column range. I can keep entering different column ranges, getting a new plot each time, until
I am satisfied that the column range covers the Br γ line and no more and no less. The routine then
calculates the equivalent width and displays it on the screen. This is the observed equivalent width
of Br γ line of the star.
In general, spectral class A and late B stars show the Br γ line in absorption, due to
absorption in the stellar photosphere. the Br γ spectra must be corrected for the photospheric
absorption. In addition, the spectra is veiled by blackbody emission from the circumstellar disk. I
correct the observed equivalent widths for both photospheric absorption and disk veiling in a similar
manner to Garcia Lopez et al. (2006), using the equation
Wcirc = Wobserv −Wphoto10−0.4∆mK
(A.1)
where Wcirc is the equivalent width of the Br γ emission from the circumstellar material, Wobserv is
the observed equivalent width, andWphoto is the equivalent width of the Br γ photospheric absorption
line of a Main Sequence star of the same spectral type as the Herbig Ae/Be star, taken from Garcia
Lopez et al. (2006) and Wallace and Hinkle (1998). The 10−0.4∆mK factor corrects Wphoto for the
disk veiling, where ∆m is the difference in magnitude between the observed Ks magnitude (taken
from 2MASS), and the expected K magnitude for a Main Sequence star of the same spectral type
and at the same distance as the Herbig Ae/Be star. I used Wcirc to calculate the Br γ line flux
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based on the flux density from the 2MASS Ks measurement by
FBrγ = (4.277× 10−7)Wcirc10−0.4mK
(1.2)




1.2 Balmer Break Veiling and the Mass Accretion Rate
If Herbig stars are accreting mass from circumstellar material, the resulting accretion lumi-
nosity should veil the Balmer Break region of the SED of the Herbig star. The Balmer Break occurs
at about 4000 Angstroms. Shortward of 4000 Angstroms there is a series of absorption lines caused
by atomic transitions in the Balmer Series of atomic hydrogen. These absorption lines approach
λ = 3646 Angstroms, which corresponds to the ionization energy for n = 2 for the hydrogen atom.
Shortward of 3646 Angstroms, the SED again resembles a normal continuum, but the intensity of
the continuum is much less (by about 50%) then the continuum longward of 4000 Angstroms. The
abrupt decrease in the continuum intensity from 4000 Angstroms to 3640 Angstroms is the Balmer
Break. Veiling from the mass accretion should decrease the magnitude of the Balmer Break. Gar-
rison (1978) measured the strength of the Balmer Break by measuring the difference in magnitude
between λ = 3640 Angstroms and λ = 3640 Angstroms, and denoted this difference as DB . For a
star undergoing mass accretion, and therefore veiling, DB should be smaller than the DB measured
for a non-accreting star. Indeed, this was Garrison’s finding. He measured DB for several Herbig
stars, and found that, for many of the stars, DB was smaller than one would expect for the given
star’s spectral type. He postulated that this veiling was due to mass accretion. He quantified the
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veiling by simply taking the difference between DB of a Herbig star and the DB of a Main Sequence
star of the same spectral type, ∆DB = DB(M.S. star)−DB(Herbig star).
I followed Garrison’s example and measured ∆DB for 58 HAeBe stars. I used the Goldman
spectrometer on the 2.1m telescope at Kitt Peak National Observatory to observe 33 of these stars.
Goldman is a low resolution spectrometer in the visible light regime. Following the guidelines from
the Goldman User’s Manual, I requested that the spectrometer be fitted with Grating #09 and the
CuSO4 filter. This gave coverage from 3200 to 5500 Angstroms and a spectral resolution of 6.7
Angstroms with a dispersion of 2.47 Angstroms. I had two five-day observing runs; one in March
2008 and the other in March 2009. Most of my target stars are relatively bright (brighter than
magnitude 12.0), requiring exposure times of less than 20 minutes for most targets. The individual
exposures were saved as .fits files. I observed over 60 Herbig stars, plus about 25 standard stars.
For the other 25 HAeBe stars, I used the R-C spectrograph on the SMARTS 1.5 meter
telescope at CTIO. The SMARTS 1.5 meter telescope uses a queue system in which I submit a
list of the target stars at the beginning of the observing semester, and the telescope operaters then
take observations of the target stars at their discretion over the observing semester. As a result,
the observations were scattered over several nights from March to June 2010. The observations
were taken using grating 26 with a clear filter and a 2 pixel slit. Wavelength coverage was from
3660Åto5400Å with a resolution of 4.3Å.
To reduce the data, I used several IDL routines that I largely wrote myself. Each observing
night I took several flats and biases. I then combined/averaged the flats and biases to create a flat
and bias for each night, and then subtracted the bias from the flat. For each science star, I used
three different IDL routines to help me reduce the data. The first IDL script, startup spec, read in
the .fits files containing the stellar spectra, subtracted the bias off of each exposure, and then added
the exposures together.
The second IDL routine, spec select, is where most of the reduction process takes place.
The exposures are typically about 220x2000 pixels. The spectrum of each star occupied a small strip
of rows across the middle of the exposure. However, the spectrum in general is mot perfectly aligned
with the rows. The spectrum has some slope across the chip. The routine plots a column slice of the
exposure at column 50 and at column (MaxColumn− 50), in each prompting me to enter the row
range of the spectrum. The routine then calculates a linear fit to the spectrum. Based on this linear
fit, the routine slices out a small section (40 rows) of the exposure centered on the spectrum and
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creates a new array called slice with the spectrum aligned with the center rows of slice. Spec select
plots a column slice of slice, and then prompts me to input the range of rows occupied by the stellar
spectrum. Typically, the stellar spectrum occupied about 10 rows. The routine then excises those
rows from both slice and from that night’s flat. The excised strip from the flat is then normalized.
When I initially created the flats for the GoldCam sources, I exposed the CCD to illumination by
a quartz lamp. Unfortunately, the intensity of the quartz lamp is not uniform over our wavelength
range. It peaks in intensity at about 5000 Angstroms and the significantly decreases in intesity from
5000 Angstroms to 3500 Angstroms. This put a large scale structure into the flat that dwarfed any
pixel-to-pixel variation. The dome flats from the SMARTS 1.5 meter telescope also included a large
scale structure due to the inconstant intesity of the lamp. The counts in the flat steadily increased
with wavelength. To correct this, spec select adds the rows of the normalized flat together and
then fits a polynomial function to the curve caused by the dome lamp. It then divides the normalized
flat by an array containing the fit. Spec select then takes the excised rows containing the stellar
spectra and divides out the normalized, corrected flat. The rows of the now flattened spectrum
are added together to get a single, one-dimensional array containing the flattened stellar spectrum,
which I called spectot.
Each observing night, I took exposures of a Helium-Neon-Argon(HeNeAr) lamp. I used these
exposures to calibrate the wavelength of each night’s spectra. Based on my calibration, Spec select
creates an array to represent the wavelength, and then graphs the spectrum as a function of the
wavelength. I then visually inspect the Balmer absorption lines in the spectrum to check the cali-
bration.
Unfortunately, the grism in the GoldCam spectrometer introduces an unwanted curve, or
structure, into the spectrum. The grism also flexes and shifts slightly as the telescope moves, so that
the unwanted curve in the spectrum depends on the position of the telescope. I took exposures of
about 25 standard stars at various telescope positions, and I tried to get a good sample of spectral
type A and B stars in the process. Just as with my science stars, the grism introduced an unwanted
curve into the spectrum of each standard star. I needed to correct each standard star’s spectrum
so that it looked like the spectrum of a standard star of that spectral type. To do this, I used
the Kurusz-Castelli(K-C) stellar flux models. I wrote an IDL routine, sensefunc, that divided the
standard star spectrum by the K-C spectrum. This created a curve that had two distinct sections,
one that was longward of 4000 Angstroms (i.e. the Balmer Break) and one that was shortward of
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4000 Angstroms. Sensefunc then determined a polynomial fit for each section and stitched the
two fits together to create a sensitivity function for the standard star. The sensitivity function is
then plotted so that I can inspect and approve it. The standard star spectrum is then divided by
the sensitivity function to correct it for the grism. Finally, sensefunc plots the corrected standard
star spectrum, and the K-C spectrum. The two should overlap. If they do, I save the sensitivity
function, indicating both the spectral type of the standard star and the hour angle of the telescope
in the name. I did this for each standard star, and saved all of the sensitivity functions in a single
file.
The R-C Spectrograph on the SMARTS 1.5 meter telescope also introduced an unwanted
curve to the HAeBe spectra. Fortunately, on most nights, the telescope operaters would take spec-
tra of Feige 110, a hot white dwarf star. I acquired Feige 110’s actual spectrum from the 1.5
meter website. I used the actual spectrum and the Feige 110 exposures for each observing night
to construct a sensitivity function for each observing night. I created the sensitivity function for
the R-C Spectrograph in the same fashion that I created the sensitivity function for the Goldcam
spectrograph.
When reducing the GoldCam sources, I retrieved a few candidate sensitivity functions that
were close to the science star’s spectral type, declination, and hour angle. I would also get the K-C
model flux matching the spectral type and log g of the science star. I would divide the science star
spectrum by a candidate sensitivity function to get a grism-corrected spectrum, that I called cspec.
For the SMARTS, I multiplied the science star spectrum by the sensitivity function that I derived
from the Feige 110 standard star. Many of the science stars are surrounded by dust, which causes
significant extinction. I wrote the IDL routine, extin corr, to correct the spectra for any possible
extinction. I would attempt to correct each cspec for extinction. Extin corr uses the following two
relationships to correct for extinction.











The first equation is a fit to the extinction curve found in Mathis (1990). Extin corr
prompts me to make an initial guess of the value of AV , the extinction in the Visible band(λ = 5500
Angstroms). I usually guess 1.0. Using my initial guess for AV and the two equations above,
extin corr, creates a new spectrum, xspec, that is corrected for extinction. The routine then plots
xspec and overplots the standard star or K-C spectrum. I adjust AV and try to match xspec to
the K-C spectrum as much as possible, over the wavelength range λ = 4000 to 5000 Angstroms. I
repeat this process for each candidate sensitivity function until I get as close of a match as possible.
Both xspec and the K-C spectrum are normalized to their flux at 4000 Angstroms. An example fit
is shown in Figure 1.5.
Figure 1.5: The extinction corrected spectrum of HD 190073. The solid line is the spectrum of HD
190073, corrected for an extinction level of AV = 2.0, assuming RV = 3.1. The dashed line is the
Kurucz-Castelli model spectrum of a main sequence star of the same spectral type and log g as HD
190073.
For the Goldcam sources, extin corr finds the mean flux between 3600 Angstroms and 3680
Angstroms for both xspec and the K-C spectrum. For the SMARTS 1.5 m sources, extin corr finds
the mean flux between 3690 Angstroms and 3730 Angstroms for both xspec and the K-C spectrum.
From these two fluxes I find the difference in magnitude using
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mHerbig −mKC = 2.5log10(FHerbigFKC ).
(1.6)
Muzerolle et al. (2004) presented evidence for and assumed a basic model of magnetoac-
cretion for Herbig stars. Muzerolle et al. (2004) uses the models and methods described in Calvet
and Gullbring (1998) and Gullbring et al. (2000) to determine the SED for the HAeBe star UX Ori.
He calculates the flux from accretion, and determines the resulting SED, including both accretion
and stellar photospheric luminosity. Muzerolle et al. (2004) calculates the flux from three different
regions; the shock region, the heated photosphere, and the pre-shock accretion column to get the
overall flux from accretion. The resulting SEDs, including both the accretion and the photosphere
flux, are used to calculate the expected DB for different mass accretion rates. ∆DB is then de-
termined by comparison to a standard star of the same spectral type. He predicted the Balmer
Break veiling, ∆DB , for various mass accretion rates, and for various energy fluxs. Below is a figure
originally printed in Muzerolle et al. (2004). Based on this figure, I determined the mass accretion
rate of my science targets based on the their experimental values of ∆DB .
Figure 1.6: This figure is taken from Muzerolle et al. (2004). The curves represent accretion models
with different accretion column energy fluxes.
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